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Summary
In this thesis we use both observations and modelling to explore the gas content of galaxies.
We use the L-Galaxies semi-analytic model to simultaneously match the Hi and stellar
mass properties of model galaxies to observations using Markov Chain Monte Carlo meth-
ods. We add the observed Hi mass function as an extra model constraint and successfully
match the Hi and stellar mass functions. However, the fit to the star formation properties
has been weakened compared to without the Hi constraint. We suggest that this problem
may be partially resolved by forming stars out of only H2 gas instead of the total cold gas.
The environment in which a galaxy resides can affect its evolution. We use the counts
in a fixed size cylinder method to estimate 3 environment measures for the GAMA survey.
We use density and edge corrections to allow us to calculate estimates for every galaxy
out to z = 0.4 in our flux limited sample. We then use these estimates to examine the
effect of environment on the luminosity and stellar mass functions.
Using Hi observations of the groups and galaxies in the ALFALFA and GAMA surveys
we calculate Hi masses using the stacking technique. The use of the stacking technique
has allowed us to exploit survey data that would not otherwise be possible. We stack
galaxies in halo mass bins and calculate the Hi to halo mass fraction as a function of
halo mass. We see a steady decline in the Hi fraction as we move to higher mass halos.
These are the highest density environments where there is less cold gas. Combining this
fraction with the halo mass function we are able to calculate a lower limit value for ΩHI
of 1.8± 0.39× 10−4h−1.
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1Chapter 1
Introduction
1.1 The role of cold gas in galaxies
Galaxy formation and evolution is still a big challenge to astrophysics. There are many and
varied processes involved in galaxies that interact with and influence each other making
untangling each individual effect difficult. The dark matter component component can
be modelled relatively simply. However, as dark mater has not yet been directly detected
there remains some uncertainty about its exact form (Frenk & White, 2012). The addition
of the baryonic components pose many challenges to model as it is a much more complex
problem. The life cycle of stars plays a crucial role in driving the evolution of a galaxy’s
gas component (McKee & Ostriker, 2007; Benson & Bower, 2010; Silk & Mamon, 2012).
Stars are born out of molecular gas clouds and during their life they process the gas and
enrich it with heavier elements. When they die they input energy back into the interstellar
medium. Understanding where the star forming gas comes from and why some galaxies
have more than others would provide a large step forward to understanding the evolution
of galaxies. The largest and most easily observed gas component is neutral hydrogen.
Galaxies can broadly be divided into two groups, red passive galaxies, typically elliptic-
als, and blue star forming galaxies, typically spirals (Baldry et al., 2004). The red galaxies
2are less star forming and have a reduced cold gas reservoir compared to blue spirals (Boselli
& Gavazzi, 2006). Much effort is engaged in understanding the evolution that changes
galaxies from gas rich and star forming to gas poor and passive. Many mechanisms for
removal of the gas and the cessation of star formation have been proposed but no single
process has emerged as preferred (Boselli & Gavazzi, 2006). However the environment in
which a galaxy resides has emerged as one important factor that determines the rate of
star formation and gas content of the galaxy. Galaxies residing in regions with a high
density of other galaxies are on average seen to be redder and gas deficient compared to
galaxies of the same stellar mass in low density regions (Haynes, Giovanelli & Chincarini,
1984).
In order to further our understanding of a galaxy’s gas components we need to make use
of a variety of observational and modelling techniques. Arguably the easiest and cleanest
observation of gas in the local universe is the neutral hydrogen atom emission at 21cm
(Ewen & Purcell, 1951). This emission mechanism provides a clean tracer of the neutral
gas component, further described in Section 1.3.1. Another valuable tool is numerical
models. These form into two main streams: hydrodynamic simulations that model gas
interactions; and semi-analytic models which use analytic prescriptions to model baryonic
processes on top of dark matter (Baugh, 2006; Somerville & Dave´, 2015). Models of
galaxy formation are briefly described in the Section 1.2. In this thesis we will use both
semi-analytic models and 21cm line observations to explore the role of gas in galaxies.
1.1.1 Gas and its role in star formation
The rate of star formation within a galaxy is very closely related to the galaxy’s cold gas
properties. The abundant neutral hydrogen is the reservoir of fuel for star formation while
the actual stars form within giant molecular clouds. The relationship between the global
cold gas content and the star formation rate was first observed by Schmidt (1959) and
3then later developed by Kennicutt (1998) into the widely used Kennicutt-Schmidt law.
This takes the form
ΣSFR ∝ ΣNgas, (1.1)
where ΣSFR is the star formation rate surface density and Σgas is the total cold gas sur-
face density. The value of the power law index N varies between observational datasets.
Schmidt (1959) originally proposed a value of 2 while Kennicutt (1998) observed a value
of 1.4. We can make the following argument for an N value of 1.5 as the expected value
in an idealised. Assuming the rate that gas is turned into stars is given by,
ρSFR =
ρgas
tdyn
, (1.2)
where ρSFR is the star formation rate density, ρgas is the gas density and tdyn is the
dynamical time of the galaxy given by
tdyn =
√
1
Gρgas
. (1.3)
Using the expression for tdyn in Equation 1.2 we see that ρSFR ∝ ρ1.5gas. If we assume a
constant scale height in the galactic disk, ρ is proportional to Σ and so we find
ΣSFR ∝ Σ1.5gas (1.4)
This results in a power law of N ∼ 1.5, close to Kennicutt’s observed value of 1.4.
The detailed relationship between gas and star formation is very much an active area
of research. Recent studies explore the relation with respect to different gas components,
such as H2 , separately (Bigiel et al., 2008; Leroy et al., 2013; Wyder et al., 2009; Krumholz,
2014). A recent plot of the Kennicutt-Schmidt from Bigiel et al. (2008) law is shown in
Figure 1.1. At gas surface densities below ∼ 10 M pc−2 a break in the power law is
observed. This break is due to stars being actually formed predominantly out of the H2
component, while what is plotted is the total gas surface density.
4Figure 1.1: The Kennicutt-Schmidt law taken from Bigiel et al. (2008) using data from
the THINGS and HERACLES surveys. The diagonal lines represent the amount of star
formation required to consume 1%, 10%, and 100% of the gas reservoir in 108 years. Also
show are data from various other studies.
51.1.2 Effects of Environment
The local galaxy number density can have a big influence on its physical properties
(Haynes, Giovanelli & Chincarini, 1984; Gomez et al., 2003; Hogg et al., 2004; Boselli
& Gavazzi, 2006; Tempel et al., 2011). The density of galaxy population is described as
a galaxy’s environment. The highest density environments are where the number density
of galaxies is highest such as in clusters. The lowest density environments are found in
voids where there is a large comoving distance to the nearest galaxy. Two of the galaxy
properties that are observed to vary significantly with environment are gas content and
star formation (Dressler, 1980; Giovanelli & Haynes, 1985; Hashimoto et al., 1998; Baldry
et al., 2006; Schawinski et al., 2007; Chung et al., 2009). Higher density regions are ob-
served to contain more red passive galaxies which are inferred to have very low levels of
star formation and lower gas reserves.
Environment estimators
Having established qualitatively what we mean by environment, how to quantify a galaxy’s
local density is by no means a settled question. Different metrics suit different situations
and surveys. Care needs to be taken when comparing between studies as a switch in
estimator can alter the observed effects of environment on galaxy properties. One of the
most common approaches is to count the distance to the nth nearest neighbour (Dressler,
1980; Baldry et al., 2006; Brough et al., 2011) giving a projected surface density measure
of
Σ =
n
piR2n
, (1.5)
where n is the number of neighbours and Rn is the distance to the n
th neighbour. To
exclude chance alignments a velocity cut of ±1000 kms−1 is applied around the central
galaxy when searching for neighbours. Another common method is to count galaxies in
fixed apertures, sphere or cylinders (Hogg et al., 2004; Kauffmann et al., 2004; Croton et al.,
62005). Here the Rn value of Equation 1.5 is kept fixed according to a value determined
for each study and the n value is the number of galaxies found within the cylinder. As
above, a cut of ±1000 kms−1 is applied when searching for local galaxies.
An alternative approach to estimating a density value for each galaxy is to place the
galaxies into groups. There are many algorithms for performing such groupings, but one of
the most common is the friends of friends algorithm (Davis et al., 1985). Here the galaxies
are joined one to another if they are within linking length, l , of the neighbouring galaxy
Then properties of the group can be calculated such as the velocity dispersion or halo mass
of the underlying dark matter halo (Robotham et al., 2011). When this method is applied
to observed galaxy samples the linking length is calibrated from numerical simulations.
The halo mass can be used as a proxy for environment as the highest mass halos are
usually the clusters with the highest density of galaxies and the lower halo mass halos
have lower density of galaxies.
Each method of gauging the local environment has strengths and weaknesses and
no one method fits all situations. For the fixed aperture and nearest neighbour methods
varying the size of the radius or the number of neighbours can examine a variety of scales of
environment. Muldrew et al. (2012) find in a comparison study that the nearest neighbour
estimates are better for identifying structure on smaller scales internal to the halo, while
the counts in a fixed aperture methods are best suited to the large scale structure external
to the halo.
Gas and the environment
The cold gas content of a galaxy is a particularly good tracer of the effect of the envir-
onment on the galaxy population as it is affected by both gravity and the intracluster
medium. It is not surprising that in cold gas we see, just as with the star forming prop-
erties, a difference between cluster and field galaxies. Those in high density regions such
7as clusters and groups are gas deficient (Haynes, Giovanelli & Chincarini, 1984; Solanes
et al., 2001; Chung et al., 2009), which is consistent with being less star forming. There
are several different mechanisms proposed for the removal of gas from these galaxies which
we now disscuss.
Ram pressure stripping (Gunn & Gott, 1972; Hester, 2006) is one of the most widely
discussed methods. This occurs when the pressure force generated by a galaxy falling
into a larger halo is sufficient to heat and remove the gas from the infalling galaxy. The
condition for ram pressure stripping is given by
ρICMv
2
rel > 2piGσstar(r)σgas(r) (1.6)
where ρICM is the density of the intracluster medium, vrel is the relative velocity between
the galaxy and the intracluster medium, σstar(r) is the surface density of the stellar com-
ponent of the galaxy as a function of the distance from the galaxy centre and σgas(r) is
the gas mass surface density. Ram pressure is most efficient in the highest mass halo
clusters and groups due to the higher relative velocity being generated. Stripping occurs
predominantly in the Hi component of the infalling galaxies gas as this is further from the
centre of the galaxy than the H2 component and so it is more loosely bound.
Another important mechanism for gas removal is galaxy harassment (Moore et al.,
1996). This process occurs when spiral galaxies within a cluster undergo frequent high
speed encounters with other galaxies causing them to become distorted. The changes to
the morphology of the galaxy causes the gas content to be reduced as gas is removed from
the galaxy in tidal streams and used up in large star formation events, starbursts, trigged
by the interaction. The effect of harassment will be greatest in rich clusters (Moore, Lake
& Katz, 1998) where the chance of repeated mergers is greater. Harassment occurs on
longer timescales than ram pressure stripping and can contribute to the morphological
differences between cluster and field galaxies.
Strangulation is another process through which galaxies can loose their gas component
8(Larson, Tinsley & Caldwell, 1980). It happens when the infall of new gas into a galaxy is
cut off and the galaxies remaining gas is slowly turned into stars. This leads to quiescent
galaxies with higher metallicities than those formed through other quenching mechanisms
(Peng, Maiolino & Cochrane, 2015). The timescale for strangulation is longer than that
for ram pressure stripping. The causes of strangulation are not certain and this is an active
area of research. One possible mechanism for strangulation is that as a galaxy falls into
a cluster the halo gas a heated and prevented from cooling back onto the galaxy(Larson,
Tinsley & Caldwell, 1980). Another mechanism is supernovae feedback, here gas is heated
during supernovae events and further infall of gas onto the galaxy is prevented.
The exact relative importance of these processes in transforming a galaxy from blue and
star forming to red and passive is an ongoing area of research. Much work has been done
utilising large surveys (Catinella et al., 2013) and targeted observations of the individual
clusters and groups (Chung et al., 2009; Kilborn et al., 2009; Jaffe´ et al., 2015). Numerous
studies use a variation of the Hi deficiency parameter defined by Haynes & Giovanelli
(1984a) when determining gas content. Here the Hi mass of a galaxy is compared to the
expected mass of a galaxy with the same optical diameter if it was observed in the field.
The expected Hi mass is proportional to the optical diameter with a power law index of
1.2 for late type galaxies and 1.7 for early type (Solanes et al., 2001). Several of the studies
described below (Solanes et al., 2001; Kilborn et al., 2009; Cortese et al., 2011; Catinella
et al., 2013; Denes et al., 2015) use a variant of this definition when they are discussing
Hi deficiency.
Chung et al. (2007, 2009) performed targeted observations of galaxies in the Virgo
Cluster. They found that galaxies in the centre of the cluster are Hi deficient with smaller
gas discs than stellar discs. They also found that galaxies at intermediate distances from
the cluster centre are seen to have tails of Hi gas indicating ram pressure stripping is
affecting galaxies falling into the cluster. The recent Blind Ultra Deep Hi Environmental
9Survey (BUDHIES) (Jaffe´ et al., 2015, 2016) performed observations of clusters at z = 0.2.
They also find evidence of ram pressure stripping being a primary cause of gas depletion.
They find 80 per cent of galaxies in high mass groups they observed are quenched compared
to 35 per cent in low mass groups. This provides evidence that the mass of the halo in which
a galaxy resides is important in determining the gas content. There is also a correlation
between the distance an infalling galaxy is from the centre of the group and the effect on
its gas content. Jaffe´ et al. (2015, 2016) use phase space diagrams to demonstrate that
the galaxies within a cluster can be shown to be in one of three distinct regions. First is a
region whose galaxies are infalling at the outskirts of the cluster where the Hi is yet to be
affected strongly by the environment, second is a region strongly affected by ram pressure
and with galaxies being deficient in Hi and finally there is a virialised region at the centre
where the Hi deficiency is extreme. The influence of envrionment is not restricted to large
clusters. Several studies have examined Hi in galaxy groups (Kilborn et al., 2009; Yoon
& Rosenberg, 2015; Denes et al., 2015) and observe galaxies to be Hi deficient although
not as strongly as at the centre of galaxy clusters. Ram pressure stripping is not effective
in these lower mass halos and so other tidal interactions must be invoked to explain the
deficiency in observed Hi . Studies using simulations claim Mhalo ∼ 1012M is the mass
above which ram pressure is most effective (Rafieferantsoa et al., 2015).
No one gas removal mechanism is currently favoured in all situations and it is most
likely that some combination of all of them is required depending on each galaxy’s unique
situation. The denser a region within which a galaxy resides the stronger these effects will
be.
1.1.3 Mass and luminosity functions
Counting the number of galaxies of a given property observed in the Universe gives us an
important, if obvious, tool for understanding galaxies (Blanton & Moustakas, 2009). The
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general form of a mass function is given by,
dN
dV
= φ(M)dM, (1.7)
where dN/dV is the number density in comoving units and φ is the mass function in
mass bin dM. This distribution function can be derived from galaxy surveys and is readily
calculated from numerical simulations. The stellar mass function is often used to validate
simulation output. The mass function is often fitted with a Schechter function (Schechter,
1976) with the functional form
φ(M) = φ∗
(
M
M∗
)α
exp−
M
M∗ (1.8)
where M is the galaxy mass and φ∗, α and M∗ are free parameters. The Schechter function
behaves as a power law at low masses and α is the power law index. At high masses there is
an exponential decline. The switch between the two regimes happens at M∗, the knee of the
distribution. The aim with a mass function is to count everything so that if we integrate
the distribution we get the cosmic mass density of that component. If we subdivide the
population by another property, such as environment, we can explore how the number
of galaxies of different mass or luminosity depends on this property (Ball, Loveday &
Brunner, 2008; McNaught-Roberts et al., 2014; Loveday et al., 2015; Jones et al., 2016).
This is explored further in Chapter 3.
How luminosity and mass functions are calculated
When working with simulations the mass function is relatively simple to calculate. Within
the resolution of the simulation we have all of the objects and we know the volume in which
they are contained. The calculation then is simply a case of counting and dividing by the
volume. When observing though, we always miss galaxies due to survey selection. We
must utilise estimators to account for the missing galaxies and volume within which each
galaxy is observed.
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One of the first estimators of Schmidt (1968), known as the 1/Vmax method, weights
each galaxy count by the maximum volume in which they can be observed. This depends
on the redshift and magnitude limits of the survey. This enables us to include faint
galaxies that only appear nearby without introducing a bias into the estimation. The
1/Vmax method can be expressed as
φ =
1
Vmax (M, flim)
dN
dM
(1.9)
where Vmax (M, flim) is the maximum volume within which a galaxy can be observed given
its mass and the survey limit and dN/dM is the number of galaxies per mass bin. This
method assumes the underlying galaxy distribution is uniform when in fact we know it is
not. In the presence of large scale structure the estimator becomes biased especially at
the faint or low mass end of the functions.
Many alternative estimators have been developed to reduce the effects of bias in cal-
culating mass or luminosity functions. One commonly used estimator is the stepwise
maximum likelihood method (SWML) (Efstathiou, Ellis & Peterson, 1988). This method
uses the probability of source inclusion and the maximum likelihood method to calculate
the mass function without assuming a functional form. The probability of a galaxy, i,
being included in the survey is given by:
pi ∝ φ(M
i)S(M i)∫Mmax(zi)
Mmin(zi)
φ(M)S(M)dM
(1.10)
where M is the galaxy property, φ is the mass function to be calculated and S(M) is the
selection function of the survey and zi is the redshift of the galaxy. Using this probability
and the usual maximum likelihood method we can solve for φ. This method is less sus-
ceptible to bias than the 1/Vmax method as long as the selection function of the survey
is well known. The downside though is that it can be complex to perform the maximum
likelihood calculation.
A more recently developed estimator is the modified Vmax method, initially developed
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by Cole (2011) and used for luminosity functions by Loveday et al. (2015). This method
changes the Vmax value assigned to a galaxy to account for local density variations. During
the calculation an estimation is made of both the mass function and the spherically aver-
aged density field. The probability of inclusion of a galaxy in the sample is now modified
from equation 1.10 to:
pi =
∆ (zi)
dV
dz φ (Mi)∫
∆ (zi)
dV
dz
∫∞
Mmin(z) φ (M) dMdz
. (1.11)
Here i is an individual galaxy, z is the galaxy’s redshift, ∆(zi) is the overdensity at
redshift z and dVdz is the differential survey volume. By adopting a binned definition of this
probability we can derive the likelihood function for the galaxy’s inclusion in the survey.
By maximising the likelihood with respect to both φ and ∆ we can derive both the mass
function and the density distribution. A full derivation of this method can be found in
Cole (2011)
We can define the modified V max for a galaxy as
V dc,maxj =
∑
p
∆pVpS(M
min
p |Mj), (1.12)
where V dc,maxj is the density corrected maximum volume for the galaxy, p. This is the
maximum volume available to a galaxy weighted by the overdensity for that galaxy. The
overdensity can be estimated by,
∆p =
Nq
Vq ˆ¯nq
(1.13)
where Nq is the number of galaxies in the redshift bin q, ˆ¯nq is the mean galaxy number
density in redshift bin q and Vq is the volume of this bin. Finally the mass function is
given by
φ (M) =
∑
j
1
V dc,max (M)
. (1.14)
This is the same as the original V max but the volume has been replaced by the overdensity
weighted volume. Redshift evolution can also be incorporated into this method and is
described in Cole (2011).
13
1.2 Modelling galaxy formation
1.2.1 Semi-analytic models
Numerical models of galaxy formation provide a valuable tool for understanding the phys-
ical processes that are involved in forming a galaxy. The starting point for most models
is the large scale distribution of dark matter comprising the halos which host galaxies.
There are two broad categories of galaxy formation: hydrodynamic simulations and semi-
analytic models Baugh (2006); Benson (2010); Somerville & Dave´ (2015). Each of these
have pros and cons and using each to inform the other gives us a better understanding of
galaxy formation. In this thesis we will explore the semi-analytic approach.
Semi-analytic models were developed to explore the large scale statistical properties of
the global galaxy population (White, 1988; Cole, 1991; Lacey & Silk, 1991; White & Frenk,
1991; Kauffmann, White & Guiderdoni, 1993; Kauffmann, 1999; Somerville & Primack,
1999; Springel et al., 2001; Hatton et al., 2003; Kang et al., 2005; Croton et al., 2006; De
Lucia & Blaizot, 2007; Guo et al., 2011; Lu et al., 2011; Benson, 2012). These models take
the output of an N -body dark matter only simulation as their starting point onto which
gas physics is added. The N -body simulation provides the merging history of the halos in
the form of merger trees. In the N -body simulation the individual particles are tracked so
that when halos merge we know which preceding halos the dark matter particles belonged
to. This allows us to build a merging history for each present day halo. A graphical
representation of a merger tree from Baugh (2006) is shown in Figure 1.2.
At the start of the simulation gas is added to the halos based on their properties, such
as mass and angular momentum. This initial gas is assumed to be pristine with cosmic
abundances from big bang nucleosynthesis. This gas is then evolved through multiple
interwoven differential equations to approximate the baryonic properties of the gas in
each halo. As models have developed they have naturally become more complex as more
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Figure 1.2: Example merger tree taken from Baugh (2006). This schematic representation
shows the merger history of one halo, the resulting halo is at the bottom of the figure with
all the preceding mergers above.
processes are added to accommodate the growing number of observations.
In Figure 1.3 we show a simplified flow chart for the processes involved in a typical
semi analytic model taken from Baugh (2006). Gas first cools and forms into a galactic
disk and here it begins the process of star formation according to the star formation
prescription of that model. The stellar population drives the galactic evolution, using up
and recycling gas and inputting energy back into the system through feedback processes.
When a star collapses into a supernova it reheats the gas and can eject some completely
from the galaxy if there is enough energy. The effects of supernova feedback are greatest
in low mass halos where it prevents too much star formation compared to observed values.
The stellar population also produces metals that enrich the gas changing its chemistry.
Many galactic properties depend on metallicity and much work is ongoing into their effect
within models. Modern models also contain a recipe for black hole feedback which heats
gas in the highest mass halos, again preventing star formation. Another important aspect
of the models for galaxy evolution is mergers. These have a large effect on the galaxy
population and it is through these that elliptical galaxies are formed. In a major merger
15
Figure 1.3: Example semi-analytic model structure taken from Baugh (2006). Showing
the interwoven processes that the gas undergoes to result in a final catalogue of observable
galaxy properties.
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of two spiral galaxies the disk and bulge of both galaxies are destroyed and reformed into
a single elliptical bulge component. Another important recent addition to the models is
the reincorporation of gas previously ejected through feedback back onto the galaxy .This
is still a very much active area of development in the modelling. In low mass halos the
time required to return gas to the galaxy is longer thereby reducing the gas content of
these galaxies. This dependence on halo mass is due to the difference in energy needed to
overcome the binding energy of the halo. In the low mass halos the expelled gas will have
more energy, as it takes less to escape, and so will take longer to cool and return.
In all the models the recipes controlling galaxy formation have many parameters. A
significant fraction of these are not defined by theory or observations leaving them free to
vary within the modeling. Increasingly models are using statistical techniques to contain
these free parameters. One such technique is Markov chain Monte Carlo(MCMC) methods
which are used in several models (Kampakoglou, Trotta & Silk, 2008; Henriques et al.,
2009; Benson & Bower, 2010; Bower et al., 2010; Henriques & Thomas, 2010; Lu et al.,
2011, 2012; Mutch, Poole & Croton, 2013; Henriques et al., 2013; Benson, 2014; Ruiz
et al., 2015). In order to constrain the free parameters the model is fitted to a few selected
observations. Most commonly the stellar mass function at z = 0 is used. Other properties
such as galaxy colour and observations at a variety of redshifts have also been employed.
Using the MCMC technique to constrain parameters allows a wide amount of parameter
space to be sampled. This is very important in semi-analytic modelling as the equations
that control the galaxy properties are coupled and so many parameters are degenerate.
In this thesis we use the L-Galaxies semi-analytic model, often also called the Munich
model, which has been developed over many years (Kauffmann, 1999; Croton et al., 2006;
De Lucia & Blaizot, 2007; Guo et al., 2011, 2013; Henriques et al., 2015). The latest
version of the model is described in Henriques et al. (2015). This makes use of MCMC to
constrain the model parameters using the stellar mass function and red fraction at z = 0,
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1, 2, and 3.
1.2.2 Cold gas in models
Within semi analytic models the interstellar medium has two phases: hot and cold. The
hot gas in the L-Galaxies model is at temperatures above the virial temperature of the
halo. The cold gas component is at a temperature below the virial temperature and has
historically not been divided into different gas phases.
Due to only having one cold gas phase the star formation rate in the models was
proportional to the total cold gas content. This is not realistic as stars form from the
molecular gas component only. More recent studies of the Kennicutt-Schmidt law also
show that there is a stronger correlation between the surface density of star formation and
the H2 gas surface density than with total cold gas surface density (Bigiel et al., 2008;
Leroy et al., 2008). The formation of H2 gas is a complex process and many physical
properties of the galaxies must be considered. H2 gas is found in gas clouds within the
galaxy and is formed out of the neutral Hi atoms. This formation occurs on the surface of
dust grains as it has been shown the formation of H2 in the gas phase is inefficient (Gould
& Salpeter, 1963; Draine, 2011). The hydrogen atoms are accreted on to the surface of
the individual dust grains where they are held for a sufficient length of time that the
H2 molecule can be formed before being ejected (Hollenbach & Salpeter, 1971; Cazaux
& Tielens, 2004). It is beyond the scope of the semi-analytic models to follow the H2
formation in atomic detail. Consequently general models to divide the cold gas have been
developed.
Two of the most widely used are the empirical law of Blitz & Rosolowsky (2004,
2006, hereafter BR06) and a more theoretically motivated division of Krumholz, McKee
& Tumlinson (2009). BR06 uses a division based on the observed relation between the
Hi to H2 ratio and mid-plane hydrostatic pressure, developed by Elmegreen (1989, 1993).
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This relation takes the form
ΣH2
ΣHI
=
(
Pext
P0
)α
(1.15)
where ΣH2 and ΣHI are the gas surface densities of Hi and H2 respectively and Pext
is the mid-plane hydrostatic pressure in the disc. The power law α and P0 are both free
parameters fitted with resolved observations of local galaxies. BR06 find a value of α = 0.8
and P0 = 2.34 × 10−13 Pa. The mid-plane pressure is a function of the stellar and total
cold gas surface densities.
Krumholz, McKee & Tumlinson (2009) developed a model with more basis in the
theory of how H2 forms within a galaxy but still not including the details of dust grains
as the dust model of the semi-analytic models are not that advanced. Here the amount
of H2 in a region depends on a balance between its production on the surface of dust
grains and its dissociation due to Lyman-Werner UV photons. This model is much more
complex than BR06 as it uses this balance to calculate the H2 fraction. This model uses
the metallically as a crude proxy for the dust content of the galaxy on which H2 can form.
Consequently it has a dependence on the metallicity of the galaxy as well as the surface
density of the cold gas. There is also a clumping factor to attempt to model the fact that
the H2 forms in local clouds within the galaxy. In some ways this model is more realistic
but still falls short of the small scale details of H2 formation. The down side of this model
is that it introduces more free parameters into the model which need to be constrained.
Neither of these models reproduce the exact conditions of H2 production in the galaxy as
the detail required is not present in the semi-analytic models. Instead they attempt to
calculate total H2 masses and H2 profiles that match those observed in nearby galaxies.
Semi-analytic models, (Obreschkow et al., 2009; Fu et al., 2010; Lagos et al., 2011a;
Lu et al., 2014; Popping, Somerville & Trager, 2014) have implemented these gas divison
models both within the model to form stars from H2 and in post processing the gas content
after the models have run. In Chapter 2 we implement the pressure based model with the
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Figure 1.4: Schematic diagram of the hyperfine splitting of the hydrogen atom, changing
spin state of the electron between the top and bottom images. Change in energy state
causes the emission of a photon with wavelength of 21cm.
latest version of the L-Galaxies model.
1.3 Observing Galaxies
1.3.1 Observing neutral hydrogen
The most abundant element in the interstellar medium is hydrogen and it is predomin-
antly found in either atomic, Hi, or molecular form, H2 (Draine, 2011; Saintonge et al.,
2011). The molecular hydrogen gas, as discussed in Section 1.1.1, plays a crucial role
in star formation. However, the cold molecular hydrogen that makes up the majority of
the H2 found in galaxies is not directly detectable (Combes, 2001). This is due to the
molecule not having a permanent dipole combined with the temperature of the gas. H2
does have roto-vibrational lines that are detectable but the lowest roto-vibrational energy
level requires temperatures higher than that of the cold H2 gas and so these lines are
not excited (Combes, 2001; Draine, 2011). Observing the cold H2 that forms stars is not
directly possible and instead it must be done via a tracer molecule, most commonly car-
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bon monoxide, which introduces large uncertainty into the measurements of the H2 gas
component. By contrast atomic hydrogen, Hi , is directly observable through the 21cm
emission line (Ewen & Purcell, 1951). The line arises from the hyperfine splitting of the
energy states within the hydrogen atom. A photon is emitted when the spin state of
the electron changes from aligned to anti-aligned with that of the proton. A diagram of
this is shown in Figure 1.4. The new state is at a lower energy and so a photon with a
wavelength 21cm or 1420.41MHz in frequency is emitted. The transition has a very well
defined half-life and so the flux observed is directly proportional to the number of atoms
required to cause the emission. This gives a direct observation of the Hi gas (Wilson,
Rohlfs & Hu¨ttemeister, 2013; Draine, 2011).
When we observe Hi in galaxies we can directly calculate a Hi mass of the galaxy using(
MHI
M
)
∼ 2.36× 105
(
Dl
Mpc
)2 ∫ Sν
Jy
(
dν
km s−1
)
(1.16)
where Dl is the luminosity distance to the galaxy and Sν is the flux per frequency inter-
val(Wilson, Rohlfs & Hu¨ttemeister, 2013; Draine, 2011). The flux is integrated across the
observed profile. The constant factor at the front of the integral is calculated using the
well defined emission properties and half-life of the transition. Figure 1.5 is an example Hi
detection using data from the ALFALFA survey (Giovanelli et al., 2005). The top panel
shows the spectrum of the source and the bottom shows the first moment map of the
source. This spectrum has a classic double horned profile of a spiral galaxy. The central
velocity of the Hi line gives the redshift of the galaxy and so, by assuming the underlying
cosmology, we can calculate a distance. At either edge of the profile the signal is shifted
to higher and lower frequencies. This is the galaxy rotating, one side moving towards
and the other away from the observer. The width of the spectrum is a measure of the
rotational velocity of the galaxy, the larger the velocity the wider the spectrum. From the
Hi spectrum we can directly measure the redshift, Hi mass and rotation speed of the the
galaxy(Wilson, Rohlfs & Hu¨ttemeister, 2013).
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Figure 1.5: HI detection of a GAMA survey galaxy, GAMA ID:239633, using Hi data
from ALFALFA. The upper panel shows the spectrum. The vertical line shows the optical
redshift of the GAMA object and the dotted horizontal dashed lines are the RMS noise
calculated for the spectrum. The lower panel shows the moment map with the green
central point indicating the GAMA position of the galaxy. The blue circle is the R200
radius calculated for the galaxy, see Chapter 4.
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Being both abundant and clean to observe, the Hi is a good way to measure the cold
gas content of a galaxy. The signal, however, is very weak and so direct observation
is currently only possible in the nearby universe. This will change as larger telescope
facilities such as ASKAP (Johnston et al., 2008), MeerKat (Booth et al., 2009) and the
SKA1 become available. New data reduction techniques such as spectral stacking also
allow us to push to higher redshifts with current data sets.
1.3.2 HI spectral stacking
The technique of spectral stacking allows us to probe properties of galaxies that are not
otherwise detected because of either flux or redshift limitations. Instead of individual
detections of every galaxy an average Hi mass for multiple galaxies is calculated. This
technique was first demonstrated for Hi galaxies by Zwaan (2000) and Chengalur, Braun
& Wieringa (2001) in order to explore the Hi properties of galaxy clusters. Using spectra
of approximately 150 sources Chengalur, Braun & Wieringa (2001) calculate an average
Hi mass for galaxies in the Abell cluster 3128 of ∼ 9 × 108M. More recently stacking
has been used to calculate ΩHI at redshifts higher than those currently available to blind
surveys (Lah et al., 2007, 2009; Delhaize et al., 2013). Stacking can also be used to exploit
the non-detections of known galaxies in blind Hi surveys. Using a stack we can calculate
an average mass for those galaxies that would otherwise be undetected due to the surveys
flux limits (Fabello et al., 2011).
The stacking technique itself is not a blind search but instead exploits known positions
and redshifts of galaxies, usually optical, in a Hi survey. A spectrum is extracted from
the data cube at the known position and redshift regardless of whether a source is found
or not. A schematic representation of this is shown in Figure 1.6, taken from Fabello
et al. (2011). In the case of a non detection the signal from the known galaxy is buried
1https://www.skatelescope.org/project/
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Figure 1.6: Representation of a 3D data cube from the ALFALFA survey. The figure
shows the spectrum from both a detection, green, and a non-detection, red. This figure is
taken from Fabello et al. (2011).
within the noise of the spectrum. Stacking exploits the fact that the noise does not add
coherently whereas any galaxy signal does. As we know the redshift of the sources we can
shift all the observed spectra to the rest frame and then co-add them to form a stack.
Most commonly the spectra are added using a weighted average where the weights are
given by the root mean squared noise, σRMS , of each spectrum. The averaged signal for
N spectra is then given by:
〈S〉 =
N∑
i=1
Siwi
N∑
i=1
wi
(1.17)
where Si is the ith spectra and wi = 1/(σRMS,i)
2 is the weighting factor (Fabello et al.,
2011; Delhaize et al., 2013). As more galaxy spectra are added the noise level of the final
averaged spectrum reduces as 1/
√
N , resulting in a spectrum with a good signal to noise
ratio. This assumes the noise is mostly Gaussian and any strong sources of radio frequency
interference have been removed (Delhaize et al., 2013).
Stacking is particularly effective when the angular resolution of the Hi data is similar to
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Figure 1.7: Hi signal from a group. The Hi data is from the ALFALFA survey, group data
from the GAMA survey. Top panel shows the spectrum extracted from the data cube.
The lower plot shows the moment map. The coloured points in the centre show the group
members and the blue circle is the R200 radius, see Chapter 4. The black circle in the
lower right of the plot shows the beam size of ALFALFA.
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the optical observations providing the positional information. If the Hi observations are of
lower resolution then source confusion can contaminate the stacks (Delhaize et al., 2013).
In regions where a galaxy has many neighbours, in groups and clusters for example, the Hi
may not be uniquely assigned to an individual galaxy. Figure 1.7 shows a group from the
GAMA survey with Hi signal from ALFALFA . This clearly illustrates that several galaxies
could be contributing to the signal shown in the spectrum in the top panel. The galaxies
closest to the centre of the group are all within the beam size of each other and are said
to be confused. If one galaxy is assigned the Hi that actually belongs to several galaxies
the average in the stack will be biased to higher mass values. As long as the number of
confused galaxies is low the contamination will be small and not significantly affect the
final result. However, if many galaxies in the sample suffer confusion the averaged signal
is no longer a true average of the galaxies.
In Chapter 4 we use the stacking technique to calculate the Hi content of both galaxies
and groups from the GAMA survey.
1.3.3 Arecibo Legacy Fast ALFA survey
The Arecibo Legacy Fast ALFA (ALFALFA) survey is a large blind extragalactic Hi survey
conducted at the Arecibo telescope in Puerto Rico (Giovanelli et al., 2005) meaning that
it scans the sky without targeting known galaxies. The survey builds on previous blind
surveys such as HI Parkes All-Sky Survey (HIPASS), (Meyer et al., 2004; Zwaan et al.,
2005) with improved sensitivity and resolution. The final ALFALFA coverage will be 7000
deg2 and will discover an estimated 30,000 extragalactic Hi sources out to z ∼ 0.06. The
angular resolution of ALFALFA is 3.5 arc minutes full width half maximum and can detect
galaxies down to MHI = 10
6M. Much of the footprint of ALFALFA overlaps with the
optical Sloan Digital Sky Survey (SDSS) (Abazajian et al., 2009) allowing almost all of
the Hi detections to be matched with an optical counterpart.
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1.3.4 GAMA Survey
The Galaxy and Mass Assembly (GAMA) survey (Driver et al., 2011; Liske et al., 2015) is
a spectroscopic galaxy survey conducted at the Anglo-Australian telescope. GAMA is an
r-band selected survey down to a Petrosian magnitude limit of rpetro < 19.8 mag out to a
redshift of z ∼ 0.5. GAMA has several regions on the sky with three primary fields across
the equator totalling ∼ 180deg2. One of the strengths of GAMA is that it has much
complementary data across most of the electromagnetic spectrum allowing comparisons
and correlations of many galaxy properties. Many derived galaxy properties are publicly
available from the GAMA website 2.
The GAMA catalogue is > 98% complete, meaning that it is particularly well suited to
studies of large scale structure and the environment of galaxies. Robotham et al. (2011)
derived groups from the GAMA galaxies using the friends of friends approach to place
galaxies into pairs or groups. Using these groupings it is then possible to derive dark
matter halo properties for each of the groups such as velocity dispersion, virial mass and
viral radius. We can also derive environment estimates for every galaxy using the nearest
neighbour or counts in cylinder approach described in Section 1.1.3 (Brough et al., 2011,
2013). In Chapter 3 and Chapter 4 we use these environment estimates of GAMA to
explore the luminosity function and the Hi content.
1.3.5 Overview
In this introduction we have discussed the cold gas content of galaxies and the effect
environment has upon it as well as introducing methods for to study these effects. In the
remainder of this thesis we look in detail at these through both modelling and observations.
This thesis is in a paper style format and as such each chapter is in the form of an individual
journal article.
2www.gama-survey.org
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In this thesis we seek to investigate 4 main questions relating to the Hi content of
galaxies and the effect of environment. We start with modelling of the Hi content of
galaxies in semi-analytic models. Here we want to see how well the Hi content of galaxies
can be matched to the observations of the Hi mass function. This is something that has
been claimed to be impossible by Lu et al. (2014). Understanding any changes to the free
parameters required to accommodate the extra observational dataset will shed light on the
whether changes to model recipes are required to fully fit the gas component. In this work
we have implemented the gas division models introduced in Section 1.2.2. Incorporating
this into the L-Galaxies semi-analytic model we are able to fit the Hi content of galaxies
in addition to the stellar content. This was not possible in previous versions of this model.
While this new model is partially a success at matching the total stellar mass and and cold
gas properties the model fails to completely reproduce the observed Kennicutt-Schmidt
law described in Section 1.1.1. Once we have a working model of the cold gas content
we can use this to compare to the observed properties as a function of environment, see
Chapter 4.
The next question we seek to explore is to what extent the luminosity and stellar
mass functions are affected by environment, this work is in Chapter 3. This extends work
already undertaken with the luminosity function and environment to a larger sample and
higher redshifts. In this work the environment is defined using the counts in a fixed sized
cylinder described in Section 1.1.2. Using a new method to correct for survey selection we
are able to include all galaxies within a flux limited survey increasing both the sample size
and the redshift out to which we can calculate the luminosity or mass function. This work
shows that for the 3, 8 and 15 Mpc cylinders that we use here the effect of environment is
limited with more bright and massive galaxies found in the most dense environment and
the least bright and massive galaxies found in the least dense environments. While in this
thesis we have not examined the Hi mass function in the context of environment this is a
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natural extension of this work. We do however look at Hi and environment in Chapter 4
and here we see a much larger effect.
The third question we investigate is the Hi content and the environment here however
we define environment based on the mass of the halo within which Hi gas is observed. This
is a different measure of environment than that in Chapter 3 and is primarily based on
placing galaxies into groups. As the Hi signal is weak we use spectral stacking of the whole
group in order to find total Hi to halo mass ratio for all groups in the sample. We use
the total group Hi rather than the individual galaxies as this reduces the contamination
of confused sources. We compare the results we find here with those from the model
developed in Chapter 2 and use the model results to predict a cosmic Hi density for the
GAMA survey.
Then finally we briefly examine the co-distribution of the Hi and stellar content of
galaxies via the bivairate Hi stellar mass function, this work in in Chapter 5. This is an
extension of the mass functions described in Section 1.1.3 where instead of the binning
being only on one mass instead we have two. This shows the distribution of both variables.
We find that galaxies with a large stellar mass also have a high Hi mass. While this
result is not unexpected we then also find and fit a functional form to the 2-dimensional
distribution. This functional form allows us to quantify changes to the mass function. In
future work this could be combined with the work of Chapter 3 to use the method and
estimates to examine the effect of environment on the Hi stellar mass function. This,
combined with the work of Chapter 4, could shed light on the Hi deficiency in high halo
mass groups which is observed. The bivariate Hi stellar mass function would be a useful
additional constraint for semi-analytic model fitting and development as it would ensure
that galaxies simultaneously had both the correct gas and the correct stellar mass content.
Throughout this thesis we make extensive use of the distribution of galaxies using the
stellar and Hi mass functions as well as the r-band luminosity function to both constrain
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model parameters and parameterise the effect of environment. We also use a novel Hi
stacking approach to look at the dependence of total group Hi mass with halo mass and
compare our results with those from the L-Galaxies semi-analytic model. In the final
chapter, Chapter 6, we summarise the findings of this work and discuss ways this work
could be continued bringing the different ways of describing environment and gas content
together.
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Chapter 2
Towards a consistent model for
both the Hi and stellar mass
functions of galaxies
Hazel Martindale, Peter A. Thomas, Bruno M. Henriques, Jon Loveday
Acknowledgements
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2.1 Abstract
Using the L-Galaxies semi-analytic model we simultaneously fit the Hi mass function,
stellar mass function and galaxy colours. We find good fits to all three observations at
z = 0 and to the stellar mass function and galaxy colours at z = 2. Using Markov
Chain Monte Carlo (MCMC) techniques we adjust the L-Galaxies parameters to best
fit the constraining data. In order to fit the Hi mass function we must greatly reduce
the gas surface density threshold for star formation, thus lowering the number of low Hi
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mass galaxies. A simultaneous reduction in the star formation efficiency prevents the over
production of stellar content. A simplified model in which the surface density threshold is
eliminated altogether also provides a good fit to the data. Unfortunately, these changes
weaken the fit to the Kennicutt-Schmidt relation and raise the star-formation rate density
at recent times, suggesting that a change to the model is required to prevent accumulation
of gas onto dwarf galaxies in the local universe.
2.2 Introduction
Cold gas provides the fuel for star formation and understanding its properties in galaxies
is fundamental to a complete model of galaxy formation. While the physics governing the
collapse of gas clouds on sub-pc scales, and its subsequent conversion into stars, remain
largely unknown, simulations can be used to explore the factors that affect the gas and
ultimately the stellar content of galaxies.
The relations governing star formation link the cold gas content to the amount of stars
formed. The widely used Kennicutt-Schmidt relation (Schmidt, 1959; Kennicutt, 1998) is
a relation between total cold gas content and the star formation rate of a galaxy. More
recent observations, however, have shown the correlation to be stronger with only the
molecular, H2 component of cold gas (Bigiel et al., 2008; Leroy et al., 2008).
H2 gas is not directly detected and is instead observed via the tracer molecule CO
which adds uncertainty to these measurements. The HI component, on the other hand,
correlates more weakly with star formation than the H2 , but can be directly observed
through the 21 cm emission. Hi surveys such as the Hi Parkes ALL-Sky Survey (HIPASS;
Meyer et al. 2004) and the Arecibo Legacy Fast ALFA survey (ALFALFA; Giovanelli
et al. 2005) now provide large samples of statistical significance. The Hi mass function
from these surveys measures masses down to 106M allowing galaxy gas content to be
probed across a full range of masses (Zwaan et al., 2005; Martin et al., 2010). Up coming
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surveys at new facilities such as the Australian SKA pathfinder (ASKAP, Johnston et al.
2008), Karoo Array Telescope (MeerKAT, Booth et al. 2009) and the Square Kilometre
Array (SKA1) will greatly improve the observational constraints on Hi content of galaxies.
For that reason, we choose to use Hi as a constraint in our models.
Semi-analytic models (SAMs) provide a framework to explore the statistical properties
of the observed galaxy population. The evolution of large scale structures is given by dark
matter merger trees, either from N-body simulations or analytic calculations, and the
baryonic component is modelled via empirical relations that are designed to capture the key
physics (White, 1988; Cole, 1991; Lacey & Silk, 1991; White & Frenk, 1991; Kauffmann,
White & Guiderdoni, 1993; Kauffmann, 1999; Somerville & Primack, 1999; Springel et al.,
2001; Hatton et al., 2003; Kang et al., 2005; Croton et al., 2006; De Lucia & Blaizot,
2007; Guo et al., 2011; Lu et al., 2011; Benson, 2012). A downside of SAMs is that they
necessarily impose restrictive assumptions about the geometry of galaxies and the exchange
of material with their surroundings. The SAMs are not able to account for distortions in
the galactic disk such as tidal tails and they are considered to have spherical symmetry
within the halo or circular symmetry in the galactic disk. These assumptions are not true in
all physical situations and that can alter the way individual galaxies evolve. As a statistical
tool the these effects are expected to be small. The major advantage over hydrodynamical
simulations is that they are quick to run allowing us to explore the impact of different
implementations of physical processes, such as star formation and feedback. Within the
recipes for these physical processes are many free parameters which are unrestrained by
observations and SAMs can also quickly alter these parameter values to explore the impact
on the galaxy population. In recent years, the introduction of robust statistical methods
has even allowed the full exploration of parameter space (Kampakoglou, Trotta & Silk,
2008; Henriques et al., 2009; Benson & Bower, 2010; Bower et al., 2010; Henriques &
1https://www.skatelescope.org/project/
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Thomas, 2010; Lu et al., 2011, 2012; Mutch, Poole & Croton, 2013; Henriques et al., 2013;
Benson, 2014; Ruiz et al., 2015).
The most recent version of the L-Galaxies SAM (Henriques et al., 2015, hereafter
HWT15) provides an excellent fit to a wide range of galaxy properties across a wide range
of redshifts. In this paper we aim to improve the agreement between the HWT15 model
to the HI mass function by including it as an extra constraint in addition to the stellar
mass function and galaxy colours. We find that we can obtain a good fit to all data-sets
simultaneously by lowering, or even eliminating altogether, the surface density threshold
for star formation. Unfortunately, these changes weaken the fit to the Kennicutt-Schmidt
relation and raise the star-formation-rate density at recent times, suggesting that a change
in the model is required to prevent accumulation of gas onto dwarf galaxies in the local
Universe.
The chapter is structured as follows: In Section 2.3 we describe the L-Galaxies semi-
analytic model and the method of gas division. In Section 2.4 we present the results
of constraining the model with the HI mass function in addition to the galaxy colours
and stellar mass function. In Section 2.5 we examine which parameters have changed in
order to produce a good fit to all constraining data sets and compare our results to the
Kennicutt-Schmidt relation. We provide our conclusions in Section 2.6.
2.3 Method
2.3.1 L-Galaxies
Semi-analytic models provide a tool to explore galaxy formation and evolution and simu-
late the cosmic galaxy population. The models use coupled differential equations to follow
the evolution of the baryonic component of galaxies usually constructed on top of dark
matter halos from an N -body simulation. Many aspects of galaxy formation are included
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in these models such as, star formation, gas cooling, metal enrichment, black hole growth
and feedback processes.
The Munich SAM, L-Galaxies, has been developed over many years using galaxy form-
ation recipes to match the observed galaxy populations (White, 1988; Kauffmann, White
& Guiderdoni, 1993; Kauffmann, 1999; Springel et al., 2001, 2005; Croton et al., 2006; De
Lucia & Blaizot, 2007; Guo et al., 2011, 2013; Henriques et al., 2013; Henriques et al.,
2015). The underlying merger trees are extracted from the Millennium (Springel et al.,
2005) and MillenniumII Simulations (Boylan-Kolchin et al., 2009). The latest version of
the model, on which this work is based, is given in HWT15. This version uses Planck
year 1 cosmology (Planck Collaboration et al., 2014b) with the Millennium dark matter
merger trees scaled according to the method of Angulo & White (2010) (as updated by
Angulo & Hilbert, 2015). HWT15 constrain the model to give a good fit to the stellar
mass function and the galaxy colours over the redshift range 0-3. A full description of the
model is given in the supplementary material of HWT15 but below we outline the most
important recipes for this work.
MCMC
Having many recipes controlling galaxy formation gives rise to numerous free parameters
which, when considering individual galaxy properties independently, are frequently de-
generate with each other. It would be a long and inefficient process of trial and error to
adjust the parameters to best fit the observations by hand when alterations to the model
are made. We employ the MCMC procedure within L-Galaxies to find a best fit set of
parameters (Henriques et al., 2009; Henriques et al., 2013). At each MCMC step the para-
meters are adjusted slightly to explore the parameter space of the model. This method
approximates a likelihood value for the ability of the model to recover the observed galaxy
property and then uses the MCMC technique to minimise that value and locate a best set
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of parameters.
The HWT15 model is fit to the following observations: the stellar mass function and red
fraction of galaxies at redshifts z =0, 1, 2 and 3. In this work we use the Hi mass function
as an extra constraint. When we add the Hi mass function as a constraint there is an
additional likelihood calculation at each step of the MCMC chain. The Hi mass function
in the model is calculated at each MCMC step using the gas division model described
in Section 2.3.2 with the same bins as the observations. For the Hi mass function as
previously with the stellar mass function we use the χ2 method to calculate the likelihood.
For each observation included in the MCMC the individual likelihoods are summed to give
the total likelihood for that step.
Star formation law
In the model we assume stars form from the total cold gas within a given galaxy’s disk
(i.e. the model does not distinguish between Hi and molecular gas). The star formation
rate is given by
M˙stellar = αSF
(Mgas −Mcrit)
tdyn,disk
, (2.1)
where αSF is a normalisation parameter, Mgas is the total cold gas mass, tdyn,disk is the
dynamical time, and Mcrit is a threshold mass whose need is based on a long-standing ac-
ceptance that there is a minimum surface density required for star formation (Kauffmann,
1996; Kennicutt, 1998). Based on the argument in Kauffmann (1996) we take Mcrit to
have the form
Mcrit = Mcrit,0
(
V200c
200 km s−1
)(
Rgas
10 kpc
)
, (2.2)
where V200c is the virial speed of the halo, Rgas is the gas disk scale-length, and Mcrit,0
is a normalisation constant. Since Kauffmann et al. (1999) and prior to HWT15, all
versions of the Munich model fixed Mcrit,0 = 3.8 × 109 M. Recent work indicates that
star formation is linked more closely to the molecular gas than to the total gas content
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(Bigiel et al., 2008; Leroy et al., 2008). This allows stars to form in regions with smaller
total gas thresholds than previously and to allow for this we now (from HWT15 onwards)
treat Mcrit,0 as a free parameter.
Supernova Feedback
When high mass stars reach the end of their life they explode in supernovae releasing energy
into the interstellar medium (ISM). The effect of supernovae on the cold gas content of the
galaxy has two parts. First the energy of the supernova reheats the cold gas back into the
hot phase and secondly if there is enough energy left the hot gas can be ejected from the
halo in winds from where it may be reincorporated back onto the galaxy later. Supernova
feedback plays a critical role in galaxy formation and so must be carefully modelled in the
SAM. Here we discuss the feedback recipes implemented in the latest version L-Galaxies,
Henriques et al. (2015). The energy available to the feedback processes from supernovae
is given by
∆ESN = halo
(
1/2∆M∗V 2SN
)
(2.3)
where ∆M∗ is the mass of stars formed and 1/2V 2SN is the mean energy injected into the
ISM per unit mass of stars formed. In this work we take VSN = 630km s
−1 (Croton et al.,
2006). halo is the efficiency and is given by
halo = η
[
0.5 +
(
Vmax
Veject
)−β2]
(2.4)
where Vmax is the maximum circular velocity of the halo and η, Veject and β2 are free
parameters which are constrained in the MCMC. The mass of cold gas reheated into the
hot phase is given by
∆Mreheat = disk∆M∗, (2.5)
where the efficiency disk is given by
disk = 
[
0.5 +
(
Vmax
Vreheat
)β1]
(2.6)
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where as above , Vreheat and β1 are free parameters constrained in the MCMC. This is
the maximum possible reheated mass. However, the maximum mass reheated is actually
capped by the energy available to heat it from the supernova. The energy required to
reheat the gas is assumed to be given by
∆Ereheat = 1/2∆MreheatV
2
200c. (2.7)
If ∆Ereheat > ∆ESN the mass of reheated gas is assumed to saturate at ∆Mreheat =
∆ESN/(
1
2V
2
200c), the maximum available energy. However if ∆Ereheat < ∆ESN the re-
maining energy from the supernova goes to eject hot gas from the halo. This is given
by
1
2
∆MejectV
2
200c = ∆ESN −∆Ermreheat, (2.8)
where ∆Meject is the mass of hot gas ejected. There is limited observations of feedback
and the recipes used here are likely to require further refinement as the models develop.
However, the role of supernova feedback in regulating size of the cold gas component of
the galaxies is considered to be a very important part of galaxy formation.
Reincorporation
The reincorporation of expelled gas back onto a galaxy is an important model process
which is now included in most semi-analytic models (Lagos et al., 2011b; Henriques et al.,
2013; Lu et al., 2014). There are several different implementations of reincorporation in
use, all of which allow expelled gas to re-accrete and cool onto the galaxy after a given
timescale has elapsed. Here we will discuss the two versions used in L-Galaxies. In the
original form of the reincorporation scheme the rate gas is re-accreted is independent of
the halo mass of the galaxy from which gas is ejected. This was first introduced in De
Lucia & Blaizot (2007). The rate of ejected mass returned to the galaxy is given by
M˙ejec = −γejecMejec
tdyn
(2.9)
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where Mejec is the mass of gas ejected, tdyn is the galaxy dynamical time and γejec is a
free parameter constrained in the MCMC. This is not a realistic recipe as the mass of the
halo has a significant effect on the amount of gas ejected and reincorporated. In low mass
halos the ejected winds of gas will have higher velocity as the respective escape velocities
of these halos are lower and such will be more difficult to accrete. In contrast gas ejected
from higher halo mass objects will have lower velocities and be re-accreted more quickly
(Guo et al., 2011; Henriques et al., 2013). To model this the reincorporation recipe has
been altered such that the times scale inversely depends on the host halo mass. In the
latest version of L-Galaxies (Henriques et al., 2015) used in this work the reincorporation
is given by
M˙ejec = −Mejec
treinc
, (2.10)
where the reincorporation timescale treinc is given by
treinc = γ
1010M
M200c
(2.11)
and M200c is the host halo mass and γ is a free parameter constrained in the MCMC.
The effect of reincorporation on the gas content of galaxies is significant and as we see
in Section 2.4 introducing a more realistic model improves the SAM significantly. In this
work we use the original De Lucia & Blaizot (2007) recipe, shown in orange, to show the
effect of this simpler model compared to the Henriques et al. (2015) recipe used in all
other models.
2.3.2 The Hi model
We use the model of Blitz & Rosolowsky (2006, hereafter BR06) to divide the cold gas
into its Hi and H2 components in post processing. This was not done in HWT15. In
this model the ratio of Hi to H2 gas in a galaxy is determined by mid-plane hydrostatic
pressure in the galactic disk. Elmegreen (1989, 1993) propose a form for the mid-plane
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Figure 2.1: Histogram showing the difference between the HI mass calculated using BR06
and the approximation of O09.
pressure
Pext ≈ pi
2
GΣgas
(
Σgas + Σstar
cgas
cstar
)
, (2.12)
where Σgas, Σstar are the cold gas and stellar surface densities, cgas, cstar are the gas and
stellar vertical velocity dispersions and G is the gravitational constant. The mid-plane
pressure is calculated from the equations of hydrostatic equilibrium for a thin disk of gas
and stars. This pressure is an important factor in the formation of giant clouds within
which H2 is found. BR06 make the assumption that the ratio of H2 to Hi in the galaxy is
a function of the pressure given in (2.12). The relation takes the form of a power-law:
Rmol =
ΣH2
ΣHI
=
(
Pext
P0
)α
(2.13)
where ΣH2 and ΣHI are the disk surface densities of H2 and Hi gas respectively and P0 and
α are fitting constants. This was further explored using resolved observations of galaxies
(Blitz & Rosolowsky, 2006; Leroy et al., 2008).
This model of gas division requires information on the radial distribution of gas inside
galaxies. In order to include it at each step of the L-Galaxies MCMC chain without
prohibitively slowing the calculation we use the approximation to BR06 model derived in
40
Obreschkow et al. (2009, hereafter O09). They write Rmol as,
Rmol = R
c
mol exp(−1.6 r/rdisk), (2.14)
where rdisk is the scale length of the gas disk and R
c
mol is
Rcmol =
[
Kr−4diskMgas(Mgas + 〈fσ〉M starsdisk )
]α
, (2.15)
where Mgas is the total cold gas mass, M
stars
disk is the mass of the stellar disk and K =
G/(8piP0). We adopt the same values of constants as O09: P0 = 2.34× 10−13Pa, α = 0.8
and 〈fσ〉 = 0.4. Through Rmol we can derive expressions for the surface density of Hi and
H2 which when integrated give the MHI and MH2.
O09 approximate the integration, finding that the ratio of H2 to Hi is given by
MH2
MHI
=
∫
ΣH2(r) dA∫
ΣHI(r) dA
≈ (3.44Rc −0.506mol + 4.82Rc −1.054mol )−1 . (2.16)
Using this approximation along with assuming that MH = MHI+MH2 we can calculate the
masses without dividing the galaxies into rings and significantly speed up the calculation.
We assume that MH = 0.74Mcoldgas. In Figure 2.1 we test the accuracy of this approx-
imation for galaxies produced by our model. We show the difference in mass calculated
using both approaches and find the agreement between the two methods to be excellent
in Figure 2.1. We agree with the statement of O09 that the accuracy is greater than 5%.
2.3.3 Observational Constraints
We constrain the model using observations at z = 0 and z = 2. At z = 0 we use:
• The stellar mass function is a combination of the SDSS (Li & White, 2009) and
GAMA (Baldry et al., 2012) results.
• The Hi mass function is from HIPASS (Zwaan et al., 2005).
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• The red fraction is obtained by dividing the stellar mass function of red galaxies by
the sum of the red and blue stellar mass functions. We use data from Bell et al.
(2003) and Baldry et al. (2012).
At z = 2:
• The stellar mass function is a combination of COSMOS (Domı´nguez Sa´nchez et al.,
2011), ULTRAVISTA (Ilbert et al., 2013; Muzzin et al., 2013) and ZFOURGE (Tom-
czak et al., 2014).
• The red fraction of galaxies also uses COSMOS (Domı´nguez Sa´nchez et al., 2011),
ULTRAVISTA (Ilbert et al., 2013; Muzzin et al., 2013) and ZFOURGE (Tomczak
et al., 2014).
2.4 Results
We present results for several different versions of the model:
• HWT15 (green dash-dotted line): The reference model, which did not use the HiMF
as a constraint.
• HIConstraint (red solid line): The HWT15 model but adding in the HiMF as a
constraint at z = 0.
• NoSFThreshold (blue dashed line): The same as the HIConstraint but with the
minimum threshold surface density for star formation set equal to zero.
• DLB07Reincorporation (orange dotted line): As for the HIConstraint but using the
older (De Lucia & Blaizot, 2007, hereafter DLB07) recipe for the reincorporation of
ejected material described in Section 2.3.1.
All of the the models were constrained to simultaneously match the observations described
in Section 2.3.3, except HWT15 which did not use the HiMF as a constraint.
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Figure 2.2: The Hi mass function at z=0. The black points are the observed Hi mass
function from HIPASS. The coloured lines represent the different models: green, HWT15;
red, HIConstraint; blue, NoSFThreshold; yellow, DLB07 Reincorporation.
2.4.1 Hi Mass Function
The Hi mass function is shown in Figure 2.2. It is immediately obvious that the HWT15
reference model is a poor fit to observations. This is not an inherent deficiency of the
model, but results from the fact that the observed mass function was not used as an input
constraint. The HWT15 model does, in fact, provide a slightly better fit overall to the
stellar masses and galaxy colours at z = 0 & 2, than the HIConstraint or NoSFThreshold
model, but the difference is slight. That goes to show that the Hi mass function serves as
a largely independent constraint.
The HIConstraint model, however, that does use the Hi as an additional constraint,
provides a very good fit to the Hi mass function. It does that largely by reducing the
ΣSF parameter in the model that governs the minimum surface density for quiescent star
formation (see Table 2.1). This allows more cold gas to be consumed in low-mass galaxies.
In order to maintain the same overall stellar mass, the star formation efficiency is reduced
leading to a reduction of gas consumption in high-mass galaxies.
Because the HIConstraint model lowers the minimum surface density for star forma-
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tion so much, we also examined a NoSFThreshold model in which it is set equal to zero
(thus reducing the number of free parameters in the model by one). The two are barely
distinguishable in their predictions (except that the NoSFThreshold model has slightly
bluer colours – see Section 2.4.3).
To try to understand why Lu et al. (2014, hereafter Lu14) have claimed that it is not
possible to reproduce the Hi mass function, we also ran a model that is identical in every
respect to the HIConstraint model, except that the reincorporation timescale follows the
parameterisation given in DLB07 rather than HWT15, see Section 2.3.1. This DLB07
model, which uses HI as a constraint, provides a better fit than the original HWT15 but is
clearly a significantly worse than either the HIConstraint or NoSFThreshold models. This
shows that the reincorporation is playing an important role and will be discussed further
in Section 2.5.3 below.
2.4.2 Stellar Mass Function
The stellar mass function is shown in Figure 2.3, the upper panel showing z = 0 and the
lower z = 2. At z = 0 we find an excellent fit to the observed stellar mass function in both
the HIConstraint and NoSFThreshold models, better even than that of the reference model
of HWT15. There is no significant difference between the red and blue lines indicating
that a non-zero threshold cold gas surface density is not required to fit the stellar mass
function at z = 0. The DLB07 reincorporation model provides a significantly worse fit
both at the knee of the SMF and the slope at low-masses compared to any of the other 3
models. This is discussed further in Section 2.5.3.
The fit at z = 2 is worse than in HWT15 and the observations for both our models.
Below the knee of the distribution all models are very similar but, above the knee, the
HIConstraint and NoSFThreshold models have fewer high stellar mass galaxies than the
observations or HWT15 (note, however, that the observations have large uncertainties
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Figure 2.3: The stellar mass function, z = 0 is shown in the upper panel and z = 2 is
shown in the bottom panel. The black points are the observations used within the MCMC
as constraints. The coloured lines are as in Figure 2.2.
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in this region). This effect is most pronounced in the NOSFThreshold model indicating
that the effect of completely removing the threshold for star formation at high redshifts is
significant and not sufficient to get a good fit to the stellar mass properties. The DLB07
reincorporation model again fares much worse than the others particularly at the lowest
stellar masses.
The change in the quality of the fit between z = 0 and z = 2 tells us that the evolution
of the stellar mass in the models is incorrect in the new models with too many higher
stellar mass galaxies developing in the this time period. This is an indication that the
changes to the star formation generated by lowering the threshold mass is not a complete
solution to matching simultaneously the Hi and stellar mass functions. We discuss further
the limitations of the model in Section 2.5.2.
2.4.3 Red fraction of galaxies
The model was also constrained using the red fraction of galaxies, using the same prescrip-
tion as HWT15. The red fraction is shown in Figure 2.4 with z = 0 in the upper panel
and z = 2 in the lower panel. At z = 0 we have similar fits to HWT15, except for the
DLB07 model which has too few red galaxies at high masses and too many at low masses
again demonstrating the importance of a realistic reincorporation recipe.
At z = 2 all models under predict the fraction of red galaxies at high stellar mass,
with the NoSFThreshold model this time giving the poorest fit to the data. The decrease
in the red population at z = 2 indicates the model has too much ongoing star formation
in the highest mass galaxies. This is in line with the results of the stellar mass function at
z = 2 which had too few high stellar mass galaxies which are redder. These problems at
z = 2 suggest that the reduction of the threshold for star formation may not be an ideal
solution to our problem, as discussed further in Section 2.5.2.
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Figure 2.4: The red fraction mass function shown in the upper panel is z = 0 and z = 2
is shown in the lower. The line colours refer to the same models as those in Figure 2.3.
The black points are the observed red fractions used with in the MCMC.
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Figure 2.5: The HI to stellar mass fraction. Compare the HI mass to stellar mass fraction
to observational data shown in black. The top panel compares our data to that from
the ALFALFA survey, (Haynes et al., 2011). The lower panel compares with the GASS
survey, triangles, (Catinella et al., 2013). We show each model as coloured contours. The
contours encloses 99%, 95% and 68% of the data. For each survey we attempt to mimic
the selection of each survey with the model data before comparing.
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2.4.4 Gas Fractions
We calculate the Hi to stellar mass ratio and compare to those observed by the ALFALFA,
(Haynes et al., 2011), and GASS, (Catinella et al., 2013), surveys. In general we have
good agreement with the observed Hi gas fractions shown in Figure 2.5. The top panel of
Figure 2.5 compares the models to ALFALFA while the bottom compares to GASS. The
contour levels shown in Figure 2.5 for each model enclose 68, 90 and 99 per cent of the
data. Our models galaxies reproduce the observations of the the GASS survey much more
closely than those of ALFALFA.
The ALFALFA survey is a flux limited survey and due to limited sensitivity can not
observe very low Hi mass galaxies. This leads to the survey missing low Hi flux objects
with correspondingly low gas fractions. In order to perform a detailed comparison we
would need to precisely mimic the survey selection of ALFALFA in the model galaxies.
In this work we perform a crude selection on the semi-analytic galaxies, converting the Hi
mass to a Hi flux and setting an observer at the centre of the simulation box. We see from
the top panel of Figure 2.5 that our model galaxies span the same range of stellar mass as
the ALFALFA data and show the same upper limit in gas fraction (Maddox et al., 2015).
However, the median ratio is offset significantly from that observed by ALFALFA. This
is due to observational selection which is more complex in reality than the crude flux cut
we have applied to the model galaxies. The selection is also a dependence on the width of
the observed spectral line. It is likely that better sensitivity in the ALFALFA data would
produce a lower median gas fraction.
In the lower panel of Figure 2.5 we compare to the GASS survey. This is a stellar
mass selected survey using data from the the Sloan Digital sky survey (Abazajian et al.,
2009) and the AFLAFA survey (Giovanelli et al., 2005). These observations are initially
selected to galaxies from the whole stellar mass range of 10 < log(M∗/M) < 11.5 and
then the Hi is detected to much lower sensitivities. Due to the lower Hi masses observed
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the gas fractions from this survey cover the whole range of gas fractions better than the
ALFALFA survey. Here we match the observed gas fractions well covering the full range
of gas fraction values. However, we do not produce as many high stellar mass galaxies
in the models as seen in the observations. This is due to stellar mass section of the
observations. Although we have used a Hi flux cut for the gas fractions when we are
comparing to the observations it is not possible correct for the stellar mass selection. Due
to selecting galaxies across the whole stellar mass range the GASS survey over-samples
the highest stellar mass objects making them seem more common than they are in reality.
This makes it appear that our models do not have enough high stellar mass objects but
without correcting properly for the gas selection we can not tell if this is truly a problem
with the models or just an observational bias.
In both the top and bottom panels of Figure 2.5 all 4 versions of the model are shown
to produce similar results. The gas fractions is not currently a good measure to distinguish
between the model versions. But, consistent with our findings on the mass functions, the
original HWT15 model seems to have a lower Hi mass fraction in high-mass galaxies than
do the other models that use Hi as a constraint. We also have demonstrated that caution
must be employed when comparing with observations with strong selection effects as these
can alter significantly the model outputs we would expect.
2.5 Discussion
2.5.1 Changes to model parameters
We start our discussion with the original HWT15 model and the new HIConstraint and
NoSFThreshold models. We defer the discussion of the DLB07 model to the final para-
graph of this section and Section 2.5.3.
The best fit parameters for our models are shown in Table 2.1. When adding in the
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Parameter HWT15 HIConstraint NoSFThreshold DLB07 Reincorporation Units
αSF (SF eff) 0.025 0.0081 0.012 0.0084
ΣSF (SF gas density threshold ) 0.24 0.0018 1e-6 0.0024 10
10 M pc−2
αSF,burst (SF Burst eff) 0.60 0.92 0.68 0.54
βSF,burst (SF Burst Slope) 1.9 1.7 1.4 0.86
kAGN (Radio feedback eff) 0.0053 0.01 0.025 7.2 ×10−4 M yr−1
fBH (Black hole growth eff) 0.041 0.042 0.022 0.030
VBH (Qusar growth scale) 750 900 840 300 km s
−1
 (Mass-loading eff) 2.60 1.9 1.5 3.06
Vreheat (Mass-loading scale) 480 270 370 100 km s
−1
β1 (Mass-loading slope) 0.72 1.1 0.55 3.8
η (SN ejection eff) 0.62 0.18 0.36 0.22
Veject (SN ejection scale) 100 200 120 150 km s
−1
β2 (SN ejection Slope) 0.80 2.1 3.9 3.2
γ (Ejecta reincorporation) 3.0 ×1010 2.2×1010 2.1×1010 0.35 yr
y (Metal yield) 0.046 0.035 0.027 0.021
Rmerger (Major-merger thereshold) 0.10 0.43 0.37 0.33
αfriction (Dynamical friction) 2.5 4.5 4.3 2.5
Mr.p. (Ram-pressure threshold) 1.2×104 2.6 ×104 2.0 ×104 1.1 1010 M
Table 2.1: Parameters constrained by the MCMC model. Best fit parameters are given for
each model as well as HWT15 for comparison. Description of the some model parameter
are given in Section 2.3.1 and in the supplementary material of HWT15.
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Hi mass function constraint into the HIConstraint and NoSFThreshold models several
parameters have changed significantly from those of the original HWT15 model. The
biggest change is to the surface density threshold for star formation, Mcrit,0, that we
imposed. As described in Section 2.3.1 we have freed further the threshold parameter to
allow it to become very low, or have forced its removal entirely, to allow a reduction in
the Hi content of low-mass galaxies. As compensation the star formation efficiency has
decreased, preventing the over production of stars in more massive systems. The complete
removal of the threshold surface density of star formation is not realistic as stars only form
when gas mass is above the Jeans mass, however the details of this process are below the
resolution of these simulations and so is not a consideration when reducing this parameter.
The reduction of the star formation threshold does allow for stars to form in regions of
lower total gas density which as stars form H2 only is more realistic.
The parameters controlling the feedback processes have changed slightly compared to
HWT15. In Figure 2.6 we plot the formulae that control feedback as a function of virial
velocity. These formulae are described in Section 2.3.1 and in the supplementary material
of HWT15.
The top-left panel of Figure 2.6 shows that the new models prefer a sharp reduction
in SN ejection efficiency, given in Equation 2.4, above a halo circular speed of about
100 km s−1, dropping to just 10-20 per cent at higher masses. This allows more retention
of gas in high-mass systems. Slightly unexpectedly the mass-loading factors, see Equa-
tion 2.6, shown in the top-right panel of the figure, are lower than for the fiducial HWT15
model, except for DLB07Reincorporation that requires large mass-loading in dwarf galax-
ies to offset the rapid reincorporation (and subsequent cooling) of ejected gas (bottom-right
panel). Unfortunately for that model, the expenditure of energy to heat extra cold gas
results in a decrease of mass ejected in those dwarfs for a given amount of star-formation
(lower-left panel); elsewhere that ratio is similar for all models over all masses.
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Figure 2.6: Supernova feedback parameters as functions of the halo velocity either max-
imum circular velocity, Vmax or virial velocity V200c. Top left is the SN Ejection Efficiency:
the fraction of available SN energy for use in gas reheating and ejection. Top right is the
Mass-loading Efficiency, that controls how much cold gas is reheated. Bottom left shows
a derived quantity, the ratio of the mass of hot ejected gas to cold gas mass turned into
stars. Finally, bottom right shows the Reincorporation Timescale for ejected gas. In all
plots the colours represent the same models as described above. All plots are at z = 0.
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Finally we identify a shift in the best fit value of the threshold between minor and
major mergers with respect to the revised version of HWT15. That work found that there
is some tension between the value of this parameter required to match observations of
the fraction of red galaxies and that required to match galaxy morphologies. The authors
decided to fix Rmerge at 0.1, slightly compromising colours at z = 2 to better match
observed morphologies at z = 0. For the purposes of this paper, the main effect of a
major merger is to destroy disks, turning Hi gas into stars or reheating it into the hot
phase. The threshold has increased from 0.1 in the HWT15 model to 0.33-0.43 in the
new models. This sharp increase means many fewer mergers will be classed as major,
allowing retention of more cold gas in massive galaxies. However, major mergers are
also an important mechanism for creation of elliptical galaxies and the cessation of star
formation. Their decrease contributes to the deficit of red galaxies we see in the lower
panel of Figure 2.4. In this work the morphologies at z = 0 have not been considered and
in future work it is likely that Rmerge will have to again be fixed at 0.1 to matched the
observed morphologies.
2.5.2 Star formation
Figure 2.7 shows the effect that modifying our models has made to the Kennicutt-Schmidt
relation. Both the observations and the model of HWT15 show a break in the power law
relation at low surface densities which is not reproduced in the HIConstraint or NoSF-
Threshold models. The break arises naturally in the HWT15 from the finite threshold
surface density for star formation. Although not imposed as a constraint it seems to arise
through a need to prevent galaxies being too blue at z = 2. Once we include the Hi mass
function as a constraint, the break disappears because the improvement in that fit far
outweighs the deterioration in the colours. We also see a shallower slope which is similar
to that observed between H2 surface density and star formation rate (Bigiel et al., 2008;
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Wyder et al., 2009). This is an indicator that we should form stars only out of the H2
component, although we show in Appendix 2.7 below that this does not, of itself, resolve
the issues that we see here.
In Figure 2.8 we plot the star formation rate density (SFRD). All semi-analytic models
tend to produce SFRDs that evolve too weakly at low redshift and L-Galaxies is no
exception. At z = 2 all the models are very similar, while we start seeing more star
formation in the new models at lower redshifts. By z = 0 there is significantly more
star formation in the HIConstraint and NoSFThreshold models than in observations or
HWT15. This is likely contributing to the deficit of red galaxies seen in Figure 2.4.
A more detailed gas division model such as that used in Fu et al. (2010, 2012) could
solve the problems presented in this section. Fu et al. (2010, 2012) analysed the impact of
different star formation and gas division recipes with spatially-resolved discs. Their work
produced a match to the observed Hi mass function but suffers from an excess of dwarfs in
the stellar mass function at z = 2. This is due to using the reincorporation recipe present
in the Munich model before HWT15. They also do not find an good fit to the SFRD but
it is an improvement on that in Figure 2.8. Their final SFRD at z = 0 is in line with
observations and in contrast to that found in Figure 2.8. Spatially-resolved discs have not
yet been implemented in the latest version of the Munich model. Until then we implement
a simplified version of the Fu model described in Appendix 2.7. This goes some way to
reconciling the Kennicutt-Schmidt relation with the Hi mass function. This suggests a
more detailed gas division along with adjustments to the star formation relation may be
the solution.
2.5.3 Comparison with other work
Lu14, who also use MCMC techniques to simultaneously fit the Hi mass function and
the K-band luminosity function, obtain much poorer fits than we find and claim that
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Figure 2.7: Relationship between total gas surface density and the star formation rate
surface density. The contours again enclose 68, 95 and 99 % of the data. The colours
represent the same 4 models as previously. The black data points represent observed
values from three different studies (Kennicutt, 1998; Leroy et al., 2013; Wyder et al.,
2009).
Figure 2.8: The cosmic star formation rate density . The colours again represent the 4
models. These are compared to observations with the black data points from Karim et al.
(2011) and the grey from Behroozi, Wechsler & Conroy (2013)
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generic deficiencies of current SAMS are: (i) extreme mass-loading factors are required in
low-mass halos to expel the Hi ; (ii) the outflow requires more than 25 per cent of the
available supernova energy; and (iii) the star-formation histories of Milky-Way sized halos
are far too flat. They claim that with current SAMs simultaneously fitting the Hi mass
function and the K-band luminosity function is not possible in stark contrast with our
results shown here.
We do not require extreme mass-loading factors to achieve the agreement with obser-
vations presented in this paper. As shown in Fig. S2 of HWT15, the values we assume are
comparable to current observational estimates. On the other hand, we do require most of
the SN energy available to be used to power feedback. However, due to the uncertainties
in the amount of energy produced by individual SN events we do not believe this rules out
the models.
In an attempt to understand the differences in our findings to those of Lu14 we have
undertaken a run using the reincorporation model of De Lucia & Blaizot (2007) which
more closely matches that of Lu14. The details of the different reincorporation recipes
are described in Section 2.3.1. We do not get such a good fit to the Hi mass function
shown in Figure 2.2. As can be seen in the top left panel of Figure 2.6, with the DLB07
reincorporation recipe we find we require large mass loading factors in low mass galaxies
and still don’t get a good fit for the Hi mass function. This could partially explain the
differences between our results and those of Lu14.
Fu et al. (2010, 2012) integrate a model of gas division into a previous version of L-
Galaxies, forming stars out of only the H2 component without using MCMC to constrain
the parameters. The model of gas division they use is more complex than that which
we implement. The star formation recipe they use has no dependence on dynamical time
and forms stars in two modes. In regions where the molecular gas dominates, the star
formation goes as ΣSF ∝ ΣH2, while where atomic gas dominates ΣSF ∝ Σ2gas. Their
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work successfully reproduces the Hi mass function. However, as discussed in Section 2.5.2
they do not reproduce the low mass end of the stellar mass function as well as our best
fit model, HIConstraint. Combining the work of Fu with HWT15 in future models of L-
Galaxies could provide a solution to simultaneously producing the star forming properties
and the Hi mass function. This is hinted at in Appendix 2.7.
Similar work has been undertaken in the Galform model by Lagos et al. (2011a,b) using
the same pressure gas division model as used in this work. The gas division was included
self consistently with stars being formed out of the H2 component. They successfully
reproduced the Hi mass function but did not reproduce the stellar mass functions as well
as we do here. Popping, Somerville & Trager (2014); Somerville, Popping & Trager (2015)
also implement gas division in their semi-analytic model. They use several models of gas
division and star formation and like Lagos et al. (2011a,b) they form stars from the H2
component. They successfully reproduce several Hi observations of galaxies. Their Hi
mass function exhibits a slight excess at low masses but fits well at the high mass end.
2.6 Conclusions
In this paper we have added the Hi mass function as an observational constraint to the
L-Galaxies semi-anlaytic model of Henriques et al. (2015). Using MCMC techniques we
re-constrain the model parameters in order to best fit this extra observation at z = 0 in
addition to the stellar mass function and galaxy colours at z = 0 and z = 2. The cold gas
content of the model galaxies are divided in post processing into the Hi and H2 components
using the gas division model of Blitz & Rosolowsky (2006) and the approximation to this
from Obreschkow et al. (2009).
From this work we conclude :
1. Using the z = 0 Hi mass function as an extra constraint we obtain a good fit to this
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in addition to the stellar mass function and red fraction at z = 0 and z = 2.
2. The most important parameter change is the reduction of the star formation gas
surface density threshold. This has been greatly reduced or even removed. This
was required to remove the excess of Hi gas seen in low mass galaxies in HWT15.
As compensation, the star formation efficiency has decreased, preventing the over
production of stars in more massive systems.
3. The feedback parameters have also changed. The retuned model favours a sharp
reduction in the SN ejection efficiency above a halo circular speed of 100 km s−1 to
much lower efficiencies compared to HWT15. The required mass loading factors are
also reduced slightly compared to HWT15.
4. The model has a worse fit to the star formation properties shown in the Kennicutt-
Schmidt relation and the cosmic star formation rate density at low redshifts than the
reference model of HWT15. We see too much star formation z = 0, mostly in the low
mass galaxies. This suggests that we either incorporate and cool too much gas, or
that we underestimate the expulsion of gas via winds and stripping. However, since
our red fractions roughly agree with observations, any changes must only reduce the
star formation efficiency and not halt it completely.
5. We use the reincorporation model of DLB07 to compare our model with that of
Lu14. We alleviate some but not all of the problems identified by Lu14 through
using an alternative reincorporation recipe. It is likely that a detailed model gas
division and subsequent star formation will be required to match the observations.
Using a more detailed model of cold gas division and a change to the star formation
recipe, such as those used in Fu et al. (2010, 2012, 2013), we expect to improve on the
problems with simultaneously matching both the star formation properties and the ob-
served Hi mass function. In Appendix 2.7 we show a simplistic model in which we use the
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approximation for gas division given in Section 2.3.2 and then form stars only out of the
molecular gas component. While the resulting Hi mass function is not as good a fit as our
HIConstraint model it is a significant improvement on the original HWT15 fit. Likewise
for the Kennicutt-Schmidt relation the model shown in Appendix 2.7 is an improvement
on the HIConstraint model show in Figure 2.7.
In summary, the Hi mass function provides a useful constraint on galaxy formation
models that poses challenges to the current paradigm. It is difficult to lower the Hi mass
function in low-mass galaxies without violating the Kennicutt-Schmidt star formation law
and having too much star-formation in dwarf galaxies in the current-day Universe. It is
likely that a detailed model of the cold gas in the Hi and H2 components and subsequent
star formation is required to resolve the issue.
2.7 Appendix: Star formation from molecular gas
We have investigated the effect of using the approximation given in Equation 2.16 in order
to form stars out of only the H2 component of the cold gas. We modify Equation 2.1
so that the gas mass is that of just the H2 component and there is no longer any gas
density threshold. The resulting Hi mass function and Kennicutt-Schmidt relation are
shown in Figure 2.9 and Figure 2.10, respectively. In the Hi mass function we see a slight
excess of galaxies with low HI masses, significantly better than the original HWT15 but
slightly worse than our best fit HIConstraint model. The new model roughly fits the
slope of KS relation, although it might not have a sharp enough break at low masses. We
conclude that the formation of stars out of only the H2 component gives an interesting
compromising in the comparison between model and observations for the Hi mass function
and KS relation. A detailed model of H2 conversion and subsequent star formation might
correct the excessive cold gas in the lowest mass galaxies.
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Figure 2.9: The Hi mass function. The red and green lines are as in previous figures; the
blue line uses the gas division approximation to form stars out of only H2 gas.
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Figure 2.10: Relationship between total gas surface density and the star formation rate.
The contours again enclose 68, 95 and 99 % of the data. The red and green are as in
previous figures and the blue uses the gas division approximation to form stars out of
only H2 gas. The black data points represent observed values from three different studies
(Kennicutt, 1998; Leroy et al., 2013; Wyder et al., 2009).
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Chapter 3
Galaxy And Mass Assembly
(GAMA): Estimating
environments in a flux limited
sample and the effect on the
luminosity and stellar mass
function.
Hazel Martindale, Jon Loveday
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3.1 Abstract
We estimate the local environment for each galaxy in the main sample of the Galaxy and
Mass Assembly (GAMA) redshift survey using the counts in a cylinder method with three
different radii, 3, 8 and 15 Mpc h−1.
We extend the previous work of McNaught-Roberts et al. (2014) to higher redshifts by
using a flux limited sample instead of a volume limited one. We divide the galaxies into bins
of environment using our new estimates and calculate the r-band luminosity and stellar
mass functions. Using both Schechter function fits and broad magnitude bins we explore
the trends in number density with local environment. We observe that more luminous and
more massive galaxies are found in the densest environments. We find a weaker dependence
on environment for the stellar mass function than the r-band luminosity function.
3.2 Introduction
The role of environment in shaping a galaxy is an important factor in galaxy formation
and evolution. The morphology-density relation was one of the first indicators of the
importance of environment on galaxy evolution(Dressler, 1980) with elliptical galaxies
being preferentially found in high density environments. The precise extent of the effect of
environment on galaxy evolution and the mechanisms through which the effects occur are
still uncertain. Most galaxy properties have been shown to be influenced by environment
to lesser of greater effect. Several studies show that galaxy colour is very strongly effected
by environment (Baldry et al., 2006; Ball, Loveday & Brunner, 2008) with the fraction of
red galaxies increasing in the densest regions as the star formation rate decreases. The
effect of environment is not limited to the stellar properties of galaxies with the gas content
also strongly influenced. Galaxies in the highest density regions are observed to be gas
deficient (Haynes, Giovanelli & Chincarini, 1984; Jones et al., 2016).
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Between each study of environment there are discrepancies over the exact definition
of environment with many different estimators in wide use (e.g. Dressler (1980); Hogg
et al. (2004); Croton et al. (2005); Yang et al. (2007); Brough et al. (2013); McNaught-
Roberts et al. (2014)). Each of these suits different surveys and studies best an can probe
environment on different scales. Often the choice of estimator can affect the magnitude of
the the environmental effect (Muldrew et al., 2012). These differences between estimators
must be born in mind when comparing studies.
Environment can be defined as either local or large scale and even within these two
broad definitions there are different degrees. On the very largest scales studies classify
the galaxies as belonging to different parts of the cosmic web such as voids, filaments,
groups and clusters (Yang et al., 2007; Eardley et al., 2015; Alpaslan et al., 2015). It is
still unclear the exact effect of the largest scales on the evolution of galaxies with studies
supporting several viewpoints. Some studies find that these very largest scales have a
limited effect on galaxy colour or luminosity function (Vulcani et al., 2013; Eardley et al.,
2015; Alpaslan et al., 2015). However, this is contrasted by other studies that find that
the larger group and cluster environment can influence the properties such as the star
formation rate (Blanton & Berlind, 2007; Park & Choi, 2009; Scudder, Ellison & Mendel,
2012) and gas content (Chung et al., 2009; Jaffe´ et al., 2015). Further studies which are
able to detect galaxies to lower luminosities will be required to further understand the
impact of environment on the largest scales (Jung, Lee & Yi, 2014) and it seems likely
that the largest scales have a role to play in galaxy evolution.
The alternative approach is to look at environment more local to a given galaxy. This
is done by counting the number of neighbouring galaxies. There are two methods most
commonly employed either counting the number in fixed size cylinders, (Hogg et al., 2004;
Croton et al., 2005) or out to a fixed number of neighbours (Dressler, 1980; Baldry et al.,
2006). The both have been used to examine many properties of galaxies such as the red
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fraction (Schawinski et al., 2007; Baldry et al., 2006; Ball, Loveday & Brunner, 2008)
and star formation (Kauffmann et al., 2004; Wijesinghe et al., 2012; Brough et al., 2013).
These studies are limited to using volume limited density defining populations (DDP).
This reduces the range of redshift included in the samples meaning galaxies at the highest
and lowest redshifts in a survey will not be included in environment studies and the lowest
magnitude galaxies will not be present int he DDP. In this work we use a flux limited
sample which allows densities to be calculated for galaxies at higher redshift. But this
also introduce problems to ensure any observational bias is removed. In particular the
decreasing number density of galaxies observed with increasing redshift must be corrected
for.
Measuring the number density of galaxies of a given luminosity or stellar mass allows
us to probe the distribution of the galaxy population. Redshift surveys covering large areas
and probing to high redshifts allow for ever more accurate measurements of the luminosity
and mass functions (Li & White, 2009; Baldry et al., 2012; Loveday et al., 2012, 2015).
By dividing the galaxy population into subtypes the effect of different galaxy properties
on the number density of galaxies can be examined (Croton et al., 2005; Brough et al.,
2011; McNaught-Roberts et al., 2014). In this work we divide by environment to explore
the change in the galaxy distribution at high and low density.
The effect of environment on the luminosity function has been studied using data from
several large surveys (De Propris et al., 2003; Croton et al., 2005; Tempel et al., 2011;
McNaught-Roberts et al., 2014). These studies find that environment influences the shape
of the luminosity function between high and low density. All these studies find a smoothly
varying characteristic mass of the Schechter function, M∗, with environment. The higher
density regions have more bright galaxies than the low density, shifting M∗ to higher
luminosities and masses. The effect is greatest at the knee of the luminosity function while
the faint end slope shows little or no variation with environment. Colour is also affected
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by the local density, with elliptical galaxies affected more strongly (Tempel et al., 2011)
than spirals. The elliptical galaxies are most often red and so this is in agreement with the
finding that red galaxies are more common in higher density environments (McNaught-
Roberts et al., 2014). Studies have also been conducted looking at the luminosity function
with galaxies in different halo mass groups (Robotham et al., 2006; Robotham, Phillipps
& De Propris, 2010; Va´zquez-Mata & et. al., 2016). These show the same trends of the
Schechter parameters with halo mass as seen with more local environment measures and
density.
The stellar mass function is a fundamental property of the galaxy population. A
galaxy’s stellar mass is also a strong indicator of other galaxy properties such as luminos-
ity and star formation (Baldry et al., 2006; Bolzonella et al., 2010; Alpaslan et al., 2015;
Darvish et al., 2015). Understanding the effect of environment on the stellar mass function
helps in understanding the influences of environment on other galaxy properties. Bolzon-
ella et al. (2010) studied the stellar mass function of the zCOSMOS survey. They found
that environment is a significant influence on the stellar mass function, especially when
galaxies are divided into red and blue subsamples.
In this paper we use data from the Galaxy And Mass Assembly (GAMA) survey
(Driver et al., 2011). Using the full flux limited sample we calculate densities for all main
sample galaxies. After applying corrections for the selection and edge effects we limit the
maximum redshift to where the corrections can be trusted. This allows us to produce
density estimates for galaxies out to a redshift of z = 0.4. The density measures are
then used to calculate luminosity and stellar mass functions in density bins to explore
the effect of environment. This paper is structured as follows. In Section 3.3 we describe
the methods used to calculate the environment densities and associated corrections for
each galaxy. In Section 3.4 we present the resulting environment measures as well as the
luminosity and stellar mass functions calculated in density bins. We disscuss our findings
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in Section 3.5 and present our conclusions in Section 3.6
Throughout, we assume a Hubble constant of H0 = 100 h kms
−1 Mpc−1 and ΩM = 0.3,
ΩΛ = 0.7 cosmology in calculating distances, comoving volumes and luminosities. Here
and in Chapter 4 and Chapter 5 we calculate masses and distances in units of h which
itself can then be set to any value for comparison with other studies.
3.3 Method
3.3.1 GAMA survey
We use the Galaxy And Mass Assembly (GAMA) survey, a large spectroscopic redshift
survey (Driver et al., 2011). In particular, we use the GAMA-II data in this study (Liske
et al., 2015). GAMA-II data covers three fields at the equator each covering a 12◦ × 5◦
region to an r-band magnitude limit of r=19.8 mag. Our sample contains all main-survey
targets with reliable redshifts (nQ≥ 3) from TilingCatv43 (Baldry et al., 2010). In our
initial sample we include galaxies out to a redshift limit of z = 0.65. This gives us a sample
containing 186062 galaxies. All of these galaxies form the DDP which will be searched to
calculate environment measures. The magnitudes for the luminosity function are both k
and evolution corrected following the method of Loveday et al. (2015). We use the stellar
mass DMU v16 from the GAMA database1 when calculating the stellar mass function
(Taylor et al., 2011). We apply the ‘fluxscale’ correction parameter from the stellar mass
catalogue to correct for mass falling beyond the limit of the aperture used to calculate the
flux. When calculating the stellar mass functions we only include galaxies with ‘fluxscale’
parameter between 0.5 and 1.5 to exclude galaxies where this correction is large.
1www.gama-survey.org
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3.3.2 Environment Measures
As discussed above there are many ways to define environment. In this study we define
the environment based on the number of neighbours a galaxies has. This can be done
as either the distance to a fixed number of neighbours, typically the 5th nearest, or the
number of galaxies in a fixed sized cylinder or sphere. The nearest neighbour method is
better at probing the very smallest scales internal to a halo while the counts in an aperture
is better suited to probing the larger scales of the halo and bigger (Muldrew et al., 2012)
(See section Section 1.1.2 for more details of the nearest neighbour).
We have chosen in this study to only calculate the environment environment using the
number of other galaxies in a fixed size volume surrounding each galaxy. This is due to
using a flux limited sample in which we perform the calculation Unlike in the previous
studies of environment calculated for the GAMA catalogue (Brough et al., 2011, 2013)
we do not define the density in a volume limited sample. Using a flux limited sample
we can calculate densities to higher redshifts than in a volume limited sample as well
as calculating values for many more objects. The obvious problem with this is that the
selection of a flux limited survey means the average density drops with redshift. If we were
to use the nearest neighbour method to calculate the environment the average distance
to nearest neighbour would increase with increase redshift as the density decreases. This
would increase the average scale we were probing with redshift and due to the number of
galaxies that have dropped below the survey detection the distance would no longer be to
the 5th nearest neighbour but in reality be to a higher number. This effect is very hard
to account for and so we choose to only use the fix sized cylinder where we can control
the size of the region we are looking for neighbours in and more easily correct for the
survey selection. In order to perform this correction we will use a random catalogue to
(see Section 3.3.5).
There will come a point where the selection effects of the flux limited sample are too
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dominant and can not be completely corrected for but we are able probe from z = 0 to
z = 0.4 for the GAMA sample rather than to z = 0.26 for the GAMA volume limited
sample in McNaught-Roberts et al. (2014).
3.3.3 Counts in Cylinder
As discussed above we are using the number of neighbouring galaxies within cylinders of
fixed volumes to define environment in this work. In this study we use cylinders of three
different radii, 3 Mpc h−1, 8 Mpc h−1 and 15 Mpc h−1. By varying the size of the cylinder
we are probing environment on different scales. Muldrew et al. (2012) explored different
types of estimator and and concluded that an 8 Mpc h−1 is a good probe of the large scale
structure at the scale of the galaxy host halo. We choose to also use a smaller radius to
examine scale internal to the galaxy halo and a larger radius which probes scales external
to the halo.
To minimise the effect of chance alignments, it is standard practice to apply a velocity
cut of ± 1000 km s−1 around the galaxy whose environment is being determined to exclude
projected galaxies (Baldry et al., 2006; Brough et al., 2011; Muldrew et al., 2012). This is
necessary to account for uncertainties in the the redshift measurements of the galaxies due
to the peculiar velocities of the galaxies. As we are using a flux limited sample here, 1000
km s−1 corresponds to a different comoving length at the redshift extremes of the survey.
In order to keep the the volume contained in the cylinders constant at all redshifts in our
sample we use a cut in comoving distance of ± 12 Mpc h−1 instead of the velocity cut. We
choose 12 Mpc h−1 as this is the average distance that 1000 km s−1 corresponds to across
the redshift range of our sample. At the minimum redshift of the sample, z = 0.002, 12
Mpc h−1 corresponds to ∼ 1198 km s−1 and at the maximum redshift, z = 0.65, 12 Mpc
h−1 is a cut of ∼ 835 km s−1. Although the distance of 24Mpc h−1 is a large distance it is
not a bigger cut than the standard ±1000km s−1 applied in all environment studies and
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is necessary to account for uncertainties in the galaxy radial coordinate.
We define the environment density as:
ρcyl =
N
pir2cyll
(3.1)
where N is the number of galaxies found within the cylinder, rcyl is the fixed radius of the
cylinder, and l is the length of the cylinder, in this work l = 24Mpc h−1.
Overdensity
When defining a galaxy’s environment as high or low density we use a measure of over-
density given by:
δ(x, z) =
ρ(x, z)− ρ(z)
ρ(z)
, (3.2)
where ρ(x, z) is the estimated density at each galaxy position x and redshift z and ρ(z) is
the average density of the survey at redshift, z, calculated from the random catalogue.
3.3.4 Random Catalogue
To be able to exploit the full flux limited sample in calculating the environment measures
we must correct the densities for the survey selection. At higher redshifts the density of
galaxies observed drops due to galaxies falling below the magnitude limit of the survey.
When we are correcting the environment measures for this selection effect we want to
preserve the local density fluctuations while removing the universal density decline. While
we could measure the density decline from the survey the correction could be biased by
large scale density fluctuations, such as clusters, in the galaxy population which are present
in the GAMA data. Using a random catalogue with same selection as the survey we are
able to correct the environment measures without introducing any clustering bias as the
random catalogue is unclustered.
We use the method of Cole (2011) to generate the unclustered catalogue containing a
factor of Ntimes more random points than galaxies. For further detail see Section 3.3.6 and
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Cole (2011). The luminosity function of the survey galaxies is first calculated and then
this distribution of galaxies is used to generate the random catalogue. Each galaxy in the
survey is replicated Ntimes times assigning the replicated random points a redshift drawn
from the allowable range given by the magnitude limits of the survey for the original
galaxy. In this work we useNtimes = 30. Each replication is then randomly assigned a
redshift from the volume V max available to the real galaxy. The resulting catalogue is
unclustered but has the same selection function as the original galaxy survey. We show
the redshift distribution in Figure 3.1. The distribution from the GAMA sample is shown
as a histogram and the random catalogue as the solid line. The random catalogue is a
good reproduction of the selection of GAMA rising to the same peak value before falling at
the same rate as the galaxies. This catalogue can be used to produce unbiased corrections
for the environment measures.
3.3.5 Corrections to environment measures
Correction for edges
For galaxies close to the edge of the survey or close to a survey hole the density estimate will
potentially miss some neighbours as they fall outside the survey. The random catalogue
described above is used to correct the environment measures if they are close to the
edge of the survey region or near a survey hole. For each galaxy we populate a cylinder
enclosing the same region as the environment estimate. We populate the cylinder with
points using the redshift values from the random catalogue and assigning each an R.A.
and Dec. position within the cylinder. We ensure there are least 500 random points within
the cylinder to ensure a good sampling. Once we have populated the cylinder we count
the number of random points, Nexp,rans. We then use the mangle software (Swanson et al.,
2008) to apply the GAMA survey mask and remove any random points from the cylinder
that lie outside the survey or in a survey hole. The resulting number of random points is
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Figure 3.1: Redshift distribution of the random and GAMA catalogues. The number
of random points has been divided by 30 to account for the extra points in the random
catalogue compared to the GAMA galaxies. The random distribution is shown in blue
and the real galaxies are the green histogram. The random and real distributions follow
the same shape.
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Nrans. This gives the fraction of the cylinder contained within the survey defined as:
f =
Nrans
Nexp,rans
. (3.3)
The above method reduces the effect of edges on the estimates of density, however, by
correcting the counts of surface density by 1/f we are preferentially boosting the density
to higher values. In some situations this will be correct as the missed region will contain
galaxies that should have been included. In other situations the masked region will be
under dense and the resulting density correction will be an overestimate. Any regions in
which a large amount of the volume of the cylinder is not within the survey boundary will
be unreliable density corrections. As such we exclude from our analysis any galaxies with
edge corrections of f < 0.5 as we judge these corrections to be too large to be reliable.
The number of galaxies excluded by this cut is different for each cylinder size with the
most galaxies excluded for the 15 Mpc h−1 cylinder, 20000, and the least for the 3 Mpc
h−1, 2000. This difference is large and is a result of the large cylinders not fitting within
the GAMA regions at low redshifts resulting in large correction factors. For the 3Mpc
h−1 cylinder the minimum redshift is z = 0.01 where as the 15Mpc h−1 cylinder has a
minimum redshift of z = 0.05.
Correction for selection
Using a flux limited sample we have an observational bias that the number of galaxies
observed decreases with redshift. This must be corrected for when calculating the density
estimates. Again we use the random catalogue to correct for this bias. The random
catalogue has, by construction, the same selection as the GAMA survey. This allows us
to use it to correct for the number density decrease with redshift of a flux limited sample.
We start with the redshift distribution, N(z), for the random catalogue, shown in
Figure 3.1. This number density per redshift bin is converted into the average volume
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Figure 3.2: Average density of the random and GAMA catalogues, decreasing with red-
shift. Obtained by dividing the redshift distribution by the volume in each bin. The
colours are as in Figure 3.1
density at the central redshift of the bin via
ρrans(z) =
N(z)
NtimesV (z)
(3.4)
where V (z) is the volume of the survey contained by the redshift bin and the Ntimes is
how much larger the random catalogue is than the actual galaxy sample, in our work this
is 30. The resulting distribution is shown in Figure 3.2.
The correction for galaxy density decrease with redshift is calculated from the starting
assumption that the volume density at z = 0 is the true volume density, unaffected by
selection. We assume that the density at z = 0 is the true value because GAMA contains
a bright flux limit and is very complete at low redshifts (Baldry et al., 2010; Liske et al.,
2015). We find the number density at z = 0 is ρrans = 0.3 h
−3 Mpc−3. This is then used
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as the reference density for correction at all redshifts. This correction is given by:
C(z) =
ρrans(z)
ρran(z = 0)
, (3.5)
where C(z) is the correction factor, ρrans(z = 0) is the reference density at z = 0 and
ρrans(z) is the average density of the random points at redshift z. We can then apply this
correction to the density from all density estimates.
We can see in Figure 3.2 that above z = 0.5 there is a large deviation between the
density calculated from the real GAMA galaxies and that calculated from the random
catalogue. This is due to the small number of observed galaxies in the GAMA sample at
these redshifts due to the selection limits of the survey. We expect the correction to be
successful below redshift of z = 0.4 as the density decrease is not as steep here. Above
z = 0.5 the N(z) distribution from the random galaxies is poorly matched to the observed
galaxies, see Loveday et al. (2015), and so the corrections are invalid. We cut off our
estimates at redshift z = 0.4.
The correction factors are calculated using the random catalogue in redshift bins.
These values are then interpolated to provide the correction for each individual galaxy. All
estimates of the densities are corrected for both selection and edge effects. The corrections
are applied as
ρgal =
1
f
1
C(z)
ρobs. (3.6)
3.3.6 Calculating the luminosity and stellar mass function
We use the method of Loveday et al. (2015) to calculate luminosity and stellar mass
functions. This method is based upon the modified Vmax method of Cole (2011). This
method corrects for large scale structure within the sample by fitting for it using a least
squares minimisation. The mass or luminosity function in bin l is then given by
φbinl =
∑
i
WiDil
V dcmax,i
, (3.7)
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where Dil is unity within the given luminosity or mass bin l and 0 outside, Wi is the
incompletness weight of galaxy i and V dcmax,i is the density and evolution corrected volume
in which galaxy i is visible (Loveday et al., 2015).
Once we have calculated the mass or luminosity function we use least squares minim-
isation method to fit Schechter functions (Schechter, 1976) to φ. Through the changes to
the fitted parameters we see the effect of environment on the luminosity and stellar mass
of the galaxy. The luminosity Schechter function takes the form
φ(M) = 0.4 log(10)φ∗100.4(M
∗−M)(1+α) exp−10
0.4(M∗−M)
(3.8)
where φ∗, α and M∗ are parameters to be fitted. Throughout this paper we do not correct
the luminosity or mass functions for the fraction of the total survey volume occupied
by each density bin. This means the normalisation is not consistent and should not be
compared between environment bins. The normalisation of the Schechter function φ∗ is
rather arbitrary anyway as it strongly depends on the magnitude or mass limits over which
the Schechter function is fit. The mass Schechter function takes the form
φ(M) = log(10)φ∗
(
M
M∗
)α+1
exp
(
− M
M∗
)
. (3.9)
3.3.7 Error calculation
Throughout this paper we use the jackknife method of error calculation. For the luminosity
function and associated Schechter fits the errors on φ are generated using 9 jacknife regions.
In this procedure the survey area of GAMA is divided into 9 and a portion of the sky is
left out for each realisation. We also use the jackknife method to calculate the error on
any least squared fitting. Here we leave out each of the data points contributing to the fit
in turn to generate the error estimate.
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3.4 Results
3.4.1 Environment measures
We calculate the environment measure estimates for 182 315 galaxies out to a redshift of
z = 0.65. Any galaxies with an edge correction, given in Equation 3.3, of f < 0.5 and less
than 500 random points used to calculate the corrections are removed. In Figure 3.3 we
show the density calculated from the counts in a 3 Mpc h−1 cylinder in blue, 8 Mpc h−1
cylinder in red and 15 Mpc h−1 cylinder in orange. Figure 3.3 shows an obvious upturn
in the density at redshifts above 0.4 for the 3 and 8 Mpc h−1 radii in particular but also
slightly for the 15 Mpc h−1 cylinder. At the higher redshifts the population being used
to define the density contains only the rarer brightest objects. These are known to be
clustered and so we see observe more in the high density regions (Christodoulou et al.,
2012). This has the effect that most galaxies will not have any observed neighbouring
galaxies within the given radius as the real galaxies will fall below the survey selection.
Our corrections are unable to account for this. From Figure 3.3 we see that z = 0.4 is
the point where the estimates can not be corrected for the effects of selection. For the
remainder of this work we limit our analysis to only galaxies at redshifts below z = 0.4.
In Figure 3.3 we show the three estimators with each cylinder size in a separate panel.
The horizontal green line gives the average density as calculated from the random cata-
logue. The densities from the random catalogue have been corrected using the correction
from Section 3.3.5. This corrects all values to have the density ρ(z = 0) resulting in the
horizontal green line. The average density passes roughly through the middle of the counts
in cylinders showing that this method is equally probing high and low density estimates.
There is some variation between the three methods of environment estimation. The smal-
lest cylinder, 3 Mpc h−1 radius, contains a bigger range of density than the 8 or 15 Mpc
h−1 cylinder. For the 3 Mpc h−1 cylinder in the densest regions we will find higher densit-
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Figure 3.3: Environment estimator for the three counts in cylinder sizes as a function of
redshift. The top panel in red is 3Mpc h−1 radius, the middle panel, blue, is the 8Mpc
h−1 radius and the lower panel, orange, is 15Mpc h−1. The corrections for edge effects
and selection have been applied. On each panel the black points are the average density in
bins of redshift and the error bars show the standard deviation of the bin. The green line
is the average density from the random catalogue with the correction for selection applied.
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Density Label 3 Mpc h−1 8 Mpc h−1 15 Mpc h−1
δ min δ max Ngals δ min δ max Ngals δ min δ max Ngals
d1 -1.00 -0.36 28359 -1.00 -0.38 27348 -1.00 -0.44 25359
d2 -0.36 0.22 28360 -0.38 0.01 27349 -0.44 -0.13 25360
d3 0.22 0.92 28360 0.01 0.44 27349 -0.13 0.21 25359
d4 0.92 1.86 28360 0.44 0.97 27349 0.21 0.58 25360
d5 1.86 3.57 28360 0.97 1.79 27349 0.58 1.11 25359
d6 3.57 25.83 28360 1.79 10.0 27349 1.11 5.10 25360
Table 3.1: The 6 overdensity bins used in our luminosity and mass functions. The limits
shown are for each different size radius followed by the number of galaxies.
ies than would a larger cylinder at the same position and similarly we find lower densities
in the least dense regions. The 3 Mpc h−1 cylinder probes the environments very local to
the galaxy which are more extreme than the larger scales probed by the 8 and 15 Mpc
h−1 cylinders.
There is also a difference in the low redshift start value for the three different cylinders.
This is most obvious for the 15 Mpc cylinder, the bottom panel of Figure 3.3. At the lowest
redshift the survey area is not large enough to accommodate the larger cylinders. This
results in all the lower redshift galaxies having a correction for survey edge of f < 0.5
and consequently are excluded from our analysis. For the 3 Mpc h−1 cylinder the lowest
redshift is 0.01, for 8 Mpc h−1 zmin = 0.03 and for 15 Mpc h−1 zmin = 0.05. This increase
in minimum redshift with larger cylinder size also means the lowest luminosity galaxies
are only found in the 3 Mpc h−1 cylinder estimates.
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3.4.2 Environment dependence of the luminosity function
We first use the three measures to examine the effect of environment on the shape of the
luminosity function. Here we extend the work of McNaught-Roberts et al. (2014, hereafter
MR14) using a flux limited sample instead of volume limited. Using the overdensity
definition given in Equation 3.2 we divided the galaxies into 6 density bins. The boundaries
of these bins are given in Table 3.1. We have chosen to use density bins with equal numbers
of galaxies. Due to the cut for f > 0.5 having the largest impact on the 15 Mpc h−1
cylinder these density bins contains ∼ 3000 less galaxies than the 3 Mpc h−1 and ∼ 2000
fewer than the 8 Mpc h−1 cylinder. This means that the bin limits are different between
the three different radii but the difference is small allowing us to compare them.
We calculate the luminosity function for each density bin. We plot the resulting lu-
minosity functions for 4 of the 6 density bins in Figure 3.4. In the top panel we show the
luminosity function using the 3 Mpc h−1 cylinder, the middle the 8 Mpc h−1 cylinder and
the lower panel the largest 15 Mpc cylinder. In this and all of the following figures we
do not show any luminosity bins with fewer than 10 galaxies. Unlike MR14 we have not
attempted to re-normalise the luminosity functions to account for the different volumes
occupied by the different density bins, but instead we focus on their respective shape.
The exact parameters of Schechter fit will depend on the magnitude range over which
it is performed. To more accurately compare to MR14 we fit Schechter functions over a
similar range with a lower luminosity limit of -17 Mag. We see that below this magnitude
in Figure 3.4 the Schechter function is a poor representation of the data. The 15 Mpc
cylinder estimates, bottom panel of Figure 3.4, do not exist for the lower luminosity bins
due to the lowest redshift being removed by the edge correction cuts. In Figure 3.4 we see
below this luminosity the Schechter function is a poor representation of the data. We fit
Schechter functions across all 6 bins to quantify any shape change across the environment
range.
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Figure 3.4: The luminosity function for 4 bins of environment for the 3 estimators,
d1 being the lowest density through to d9 the highest density. The dashed line
are Schechter fits to the luminosity function. The top panel shows 3 Mpc h−1
cylinders, the middle 8 Mpc h−1 and the lower 15 Mpc h−1 cylinders. The dashed
vertical lines are the magnitude limits of the broad bins used in Figure 3.6
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We compare our flux limited results to those of MR14 who use an 8 Mpc h−1 sphere
and a volume limited sample of the GAMA survey. We find similar trends in α but see
much more scatter, shown in the top panel of Figure 3.5. Due to this scatter we have
decided not to fit linear relationships with density as done in MR14. All three measure
display significant scatter to slightly lower values of α ∼ −1.1 to -1.2 than α = −1.25
found by MR14. We see no significant trend of α with environment although for all three
measures we find the highest density point is showing tendencies to lower values of α.
This point is the most uncertain and so we do not consider this upturn to be significant.
The trend with α from the 3 Mpc h−1 cylinders are most similar to those of MR14 as well
as being the flattest. The 8 and 15 Mpc h−1 cylinders show more scatter. Excluding the
uncertain highest density point we see no dependence of α on density. In the lower panel
of Figure 3.5 we show the relation between M∗ and density. For all our measures we find
a weaker dependence on density than MR14 with the least dependence on density found
in the 3 Mpc h−1 cylinder.
We fit a linear relationship between the mean density of each bin and the M∗ Schechter
parameters shown in Figure 3.5 such that
M∗ = m0(log10(δ + 1)) +m1. (3.10)
The fit parameters are given in Table 3.2. The relations are identical for the larger two
cylinders while the 3Mpc h−1 cylinder has a marginally flatter relationship. The 8Mpc h−1
cylinder has a slope of m0 = −0.41±0.14 where as MR14 find a value of m0 = −0.67±0.07.
This slight decrease in dependence on density indicates that using a flux limited sample
decreases the observed effect of environment slightly. Our sample covers a much larger
redshift range than MR14. The smallest cylinder, 3Mpc h−1, shows less variation with
density. This could be due to the sample sizes resulting in small number statistics in larger
cylinder sizes. This measure is also least well fit by a linear relation, see Table 3.2. Having
a shallower slope than the 8 or 15Mpc h−1 cylinder indicates that at 3Mpc h−1 the effects
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Figure 3.5: Comparison of the Schechter parameters from the luminosity functions. The
top panel shows the α parameter as a function of density. The lower panel shows M∗ as
a function of density. The colours again show the 3, 8 and 15 Mpc h−1. The green line
show the best fit values from MR14.
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Radius [Mpc h−1] m0 m1 Reduced χ2
3 −0.20± 0.24 −20.67± 0.09 13.1
8 −0.41± 0.14 −20.53± 0.04 2.6
15 −0.35± 0.31 −20.53± 0.05 2.7
Table 3.2: Coefficients for the linear fits to the M∗ Schechter parameter show in the lower
panel of Figure 3.5. The linear equation fitted is given in Equation 3.10.
of environment are less important on the luminosity of galaxies than at larger scales. The
similarity of the 8 and 15Mpc h−1 cylinders hint that scales larger than ∼ 8Mpc h−1
are contributing in a similar way to sub-8Mpc h−1 scales to the effect of environment on
luminosity.
Broad luminosity bins
In Figure 3.4 we see that above ∼ −17Mag the fit to the Schechter function is poor. Most of
the luminosity functions show an upturn to number densities higher than those predicted
by a Schechter function. In order to compare the different environment measures across
the widest range of luminosity we have divided our sample into 4 broad luminosity bins.
We show the limits of the 4 bins as vertical dashed lines in Figure 3.4. The broad bins
of environment enable us to look at the effect of environment on number density for high
medium and low magnitude galaxy samples without a fitting function. In Figure 3.6 we
show the number density in 4 luminosity bins as a function of local density. The top panel
shows the lowest luminosity galaxies through to the bottom panel showing the highest
luminosity bin. The colours represent the three sizes of cylinders as before.
From the top panel of Figure 3.6 we see that for the lowest luminosity there is a distinct
trend of reducing number density with increasing environment density. The values of the
fitted lines, associated errors and the reduced χ2 values are shown in Table 3.3. The slope
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The value of the fit parameters are given in Table 3.3.
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for each of the density bins significantly negative for all three bins with the strongest
trend in the 8Mpc h−1 bin with a value of −0.74±0.15. In this luminosity bin we see very
different normalisations for the 3 measures. We have again not re-normalised for volume.
Also the 15Mpc h−1 cylinder measure has fewer galaxies than the 8Mpc h−1 and both
have fewer than the 3Mpc h−1 cylinders. This is in line with the top panel of Figure 3.6.
We have fitted straight line fits to the data analogous to Equation 3.10. The gradients of
the linear fit are similar for all three measures. As we go to the next luminosity bins the
3 measures have much more similar normalisation. The gradient, m0, of the linear fits in
this bin are less, showing the dependence of number density on environment is less strong.
The 8 and 15Mpc h−1 cylinders have identical relations while the 3Mpc h−1 cylinder has
a slightly lower gradient indicating less dependence on environment.
For luminosity bin -19.5 to -22.25, the second to bottom panel of Figure 3.6, we see
there is no dependence on environment. In the final bottom panel of Figure 3.6 the trend
from the top bin is reversed. For the highest luminosity bin the trend is for more galaxies
in the highest density regions. This luminosity bin shows the strongest trend with density.
Here the 3 and 8Mpc h−1 cylinders show the strongest trends with the 15Mpc h−1 trend
being marginally weaker. The change from a negative to positive gradient occurs in the
bin with magnitude range -19.5 to -22.25 Mag. In this bin all three of the measures are
flat with density showing no dependence on environment. This bin contains galaxies at
approximately L∗ of the Schechter fits found in the previous section.
This non-parametric approach shows us that the low luminosity galaxies are found
more commonly in low density environments, whereas high luminosity galaxies are found
more commonly in high density environments. We also see the effect of environment
is stronger for the highest luminosity galaxies than it is for the lowest luminosity bins.
We have removed the uncertainty associated with fitting a Schechter function which has
strongly degenerate parameters and is affected by the magnitude range over which it is
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Figure 3.7: The 4 luminosity bins for the low redshift sample, z < 0.2. The top panel is
the lowest luminosity through to the highest luminosity in the bottom panel. The value
of the fit parameters are given in Table 3.4.
fitted.
Redshift evolution
We also use the non-parametric approach to look at the effect of redshift on the density
dependence. The total sample is divided into two redshift ranges which we describe as
high and low. The low redshift sample is z ≤ 0.2 and the high sample is 0.2 < z < 0.4.
The two redshift samples each cover approximately 2Gyr in lookback time. We show the
4 broad bins for the low redshift sample in Figure 3.7 and the high redshift sample in
Figure 3.8. As above we fit linear relationships to the dependence on environment. For
the high redshift sample there are no galaxies in the lowest of the 4 luminosity bins used
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the bottom panel. The value of the fit parameters are given in Table 3.4.
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previously and so we only show the three populated luminosity bins. The parameters
of the linear fits are given in Table 3.4. Looking at the m0 values we see there is no
significant difference between the two redshift samples in bin -19.5 to -22.5. This is the
bin which is about the turning point between negative and positive gradients. We see
that for the low redshift sample the gradient is already become positive whereas the high
redshift sample is still negative. This hints that the effect of more galaxies being found
in high density regions extends to lower luminosities at low redshifts. These effects are
small and we are cautious about the significance of this effect. The luminosity function
is known to evolve over this timescale and could be contributing to the slight evolution
seen here. Loveday et al. (2015) find the galaxies have faded in r-band luminosity and
decreased in comoving number density since z ≈ 0.5. Neither the evolution of the total
r-band luminosity function or the evolution of the environment bins seen here is large.
It is not possible in this work to conclude the extent of any difference in environment
evolution with redshift above evolution of the total luminosity function.
3.4.3 Environment dependence of the Stellar mass function
We also investigate dependence on the shape of the stellar mass function with environment.
Here we employ the same method as above for the luminosity function. We again use the
three environment estimators and compare them.
In Figure 3.9 we show the stellar mass function using the 3, 8 and 15 Mpc h−1 cylinders
for 4 bins of environment as for the luminosity function above. The mass functions are on
the whole well fit with a Schechter function over the majority of the mass range. In several
of the functions, like with the luminosity functions, at the lowest masses we see an excess
compared to the Schechter fits. Again we do not show or fit with any bins that contain
less than 10 galaxies as they are unreliable. We also restrict the mass over which we fit to
only masses above 108.5 M as below this the Schechter function does not represent the
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Figure 3.9: The stellar mass function in three bins of environment. The top panel shows
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vertical dashed lines show the limits of the broad stellar mass bin used in Figure 3.11.
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estimates.
data well.
We fit a Schechter function to the stellar mass function of all 6 environment bins. We
plot the α and M∗ in Figure 3.10. There is no significant evolution of α with density
in any estimate method and rather we measure scatter around a flat value as with the
luminosity function. We have not attempted to fit for a best fit value of α however from
Figure 3.10 we estimate this to be ∼ 1.2. There is slightly more scatter in the 8 and 15
Mpc h−1 cylinders whereas the 3Mpc h−1 cylinder is much flatter. As with the luminosity
function the highest density bins show a slight upturn in α however, this bin alone is not
reliable.
In the lower panel of Figure 3.10 we plot the relation of M∗ with environment. We
once again fit for the linear evolution of M∗ with environment as in Equation 3.10 and the
best fit parameters and reduced χ2 values are given in Table 3.5. Unlike the luminosity
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Radius [Mpc h−1] m0 m1 Reduced χ2
3 0.18± 0.05 10.55± 0.02 8.0
8 0.21± 0.08 10.59± 0.02 1.8
15 0.29± 0.14 10.57± 0.02 6.3
Table 3.5: Coefficients for the linear fits to the M∗ Schechter parameter for the stellar
mass function shown in the lower panel of Figure 3.10. The linear equation fitted is given
in Equation 3.10.
function we see no variation between the three cylinder sizes. All three show an increase
in M∗ with density showing that in high density environments there are more high stellar
mass galaxies. This is consistent with the trend of luminosity function with environment
seen in the previous section as high stellar mass usually corresponds to high luminosity.
The gradients, m0, shown in Table 3.5 are less steep for the stellar mass function than for
the luminosity. This indicates that the stellar mass of galaxies is not as strongly affected by
environment as the luminosity. We suggest that this is due to the r-band luminosity being
more strongly influenced by the presence of ongoing star formation than the stellar mass.
Star formation is very strongly linked to environment through the gas content of which is
observed to be deficient in dense environments Chung et al. (2009). It requires more star
formation to influence the total stellar mass than it does to change the luminosity and so
it makes sense that the total r-band luminosity is more strongly influence by environment
than the total stellar mass.
Broad stellar mass bins
As with the luminosity function we find that the Schechter function is a poor fit to the mass
function below ∼ 108M. We use 4 broad mass bins to examine the effect of environment
across the whole mass range available in our sample. We plot the resulting number density
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Figure 3.11: Number density as a function of environment density for 4 broad bins of stellar
mass. The top panel is low mass and the lower panel is high mass with corresponding
central mass of the bins are log(Mstellar/M) = 6.75, 8.25, 9.75, 11.25. The colours
represent the 3 estimators, red 3Mpc h−1 , blue 8Mpc h−1 and orange 15Mpc h−1 radii
respectively. The value of the fit parameters are given in Table 3.6.
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as a function of environment in Figure 3.11 for each mass bin as we did previously for the
luminosity function. The top panel shows the lowest mass bin through to the highest mass
in the bottom bin. As with the Schechter parameters in Figure 3.10 we see the same trends
as with the luminosity function but they are weaker. In the lowest mass bin, top panel of
Figure 3.11, we see the greatest number of galaxies in the lowest density environments and
the least in the highest density environments. The gradient is very similar for all three
cylinder measures. As with the luminosity function the three cylinders have very different
normalisations. This is due to containing different numbers of galaxies and that we have
not corrected for the volume of the survey each bin contains. We do not correct for this as
in this study we are only considering the strength of the relation to environment not the
normalisation. The second panel shows a similar trend but the variation with environment
is much reduced. As previously the third panel again straddles the characteristic mass
of the total Schechter function. As with the luminosity function we find no variation
with environment or estimator. This was not fixed to be this way. The result shows
that number density of M∗ galaxies is not significantly affected by either the density
or how the density is calculated. The lower panel of Figure 3.11 shows a clear reversal
of the trend again like previously seen for the luminosity function. The gradient of the
relation in the highest mass bin is smaller than for the lowest mass bin however there
is less scatter and all 3 measures of environment show very similar trends. The highest
density environment contains more of the high mass galaxies than the lowest density. As
the gradient is strongest for the lowest mass bin we conclude the environment has the
strongest effect at low stellar masses.
Redshift evolution
We again divide the sample into the same high and low redshift samples as previously with
the luminosity function. These are shown in Figure 3.12 for the low redshift sample and in
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Figure 3.13 for the high redshift sample. The high redshift sample, as with the luminosity
function, has no data in the lowest mass bin and so we only plot 3 mass bins instead of the
4 in the lower redshift sample. The linear fit parameters are given in Table 3.7. We see
the same results as for the luminosity function with little variation between the high and
low samples. Again for the transition bin, 109.5 < Mstellar < 10
7.5, we observe that the
low redshift sample has already moved to a positive gradient where as the high redshift
sample still has a negative gradient. This effect is less pronounced than for the luminosity
function and both the high and low redshift samples are consistent, within errors, with
zero. In the highest mass bin there is a variation between the gradient for the two redshift
samples for the 3 and 8Mpc h−1 cylinders. Here a stronger gradient is found for the low
redshift sample. This hints that for the highest stellar mass bin the effect of environment
is marginally stronger at lower redshifts. However, as with the luminosity function, due
to large errors of the fit parameters and some poor reduced χ2 values we are unable to
draw definite conclusions. The stinger dependence on environment at lower redshifts is
inline with the work of Bolzonella et al. (2010) who find, for the 5th nearest neighbour
environment estimator, the effects of environment is greater at low redshifts.
3.5 Discussion
In this work we do not use the widely employed distance to nth nearest neighbour method
of environment estimation. In this method the distance to the nth nearest neighbour is
used as the radius of the cylinder. While this method works well in a volume limited
sample the density decrease in a flux limited sample introduces a variation in the volume
of the cylinder with redshift. At higher redshifts the estimate would probe a larger scale
on average than at low redshifts as fewer galaxies are observed and the distances between
them are larger. This would result in a range of scales being covered in one estimate and
it would no longer be fair to treat all the redshifts the same. For this reason we choose to
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Figure 3.12: The 4 stellar mass bins for the low redshift sample, z < 0.2. The top panel
is the lowest mass through to the highest mass in the bottom panel. The value of the fit
parameters are given in Table 3.7.
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Figure 3.13: The 3 stellar mass bins for the high redshift sample, 0.2 < z < 0.4. As with
the above figures the top panel is the lowest mass through to the highest mass in the
bottom panel. The value of the fit parameters are given in Table 3.7.
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only use fixed aperture methods as this is least influenced by the observed density decrease
in a flux limited sample.
We compare our results to those of MR14 who also use data from the GAMA survey.
They use counts in an 8Mpc h−1 sphere as the environment estimator and the DDP is a
volume limited sample to examine the effect of environment on the luminosity function.
As expected we find similar tends to MR14 but the strength of the effect of environment is
less in our study. We find a slightly lower α value but do agree that there is no trend with
environment for the luminosity function. Our trend of M∗ with environment still shows a
brightening of M∗ with increasing density however the gradient of our relation is shallower
than MR14. We find that when using a flux limited DDP the effect of environment
is reduced. This requires further investigation as we want to understand the effects of
environment without the kind of sample used influencing the result. Finding a brightening
of M∗ with increasing density is also in line with previous studies of the luminosity function
in volume limited surveys such as Croton et al. (2005) and Tempel et al. (2011). These
studies both defined environment using the counts in 8Mpc spheres which is the most
comman method used for investigating the luminosity function. Tempel et al. (2011) find
that in addition to the total dependence of the luminosity function on environment there
is a stronger dependence when the galaxy population is divided into morphological types.
The environment has the most effect on the luminosity function of spiral galaxies.
Muldrew et al. (2012) found the trend of galaxy colour with environment decrease
with increasing fixed cylinder size. This is in contrast to our result for both the luminosity
and stellar mass function where we find the large cylinders have more dependence on
environment. We find the trends with environment, when fitting Schechter functions, are
stronger for the larger cylinders in the luminosity function or no change in the stellar mass
function. When we divide into 4 broad bins of luminosity we see little variation between
the 3 cylinder sizes.
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Bolzonella et al. (2010) performed a study of the galaxy stellar mass function and
environment in a volume limited sample using the 5th nearest neighbour estimator. They
found a large difference between the shape of the stellar mass function between the highest
and lowest density bins of their sample. They found the most massive galaxies are more
likely to reside in the high density regions and the faint end slope of the mass function is
steeper in these regions. This is similar to our result in that we do find an increase with
M∗ with increasing density although we do not see a trend with faint end slope. Eckert
et al. (2016) looked at the stellar mass function and environment in terms of halo mass.
They found significant variation of the shape of the stellar mass function with halo mass
in agreement with Bolzonella et al. (2010). Our results are in line with both these studies
but the effects of environment we observe are less strong as we find shallower gradients.
We find the dependence of the stellar mass function on environment to be less significant
than for the luminosity function.
3.6 Conclusions
We use a novel approach to calculating environment measures for all galaxies in the GAMA
survey using a flux limited density defining population out to a redshift of z = 0.4. We
correct the densities measurements for survey edges and holes and for the number density
decrease with redshift of a flux limited survey using a random catalogue with the same
redshift distribution as the galaxies. Our corrections are reliable out to a redshift of
z ∼ 0.4, above this the survey selection effects are too great and we are unable to correct
for it. We use our density estimates to examine the effect of environment on the luminosity
and stellar mass functions. We conclude the following:
1. Using a new method we calculate the environment measures we use use the count in
cylinders method with three different radii. The smallest cylinder 3 Mpc h−1 has the
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largest range of densities and the larger 8 and 15 Mpc h−1 densities have much more
similar ranges of density. Using the random catalogue we are able to successfully
correct for survey selection and cover a large redshift range than is possible previously
with a volume limited survey.
2. We divide the galaxy population into bins based on the environment measures and
calculate luminosity functions out to higher redshift than previously possible with
the GAMA survey. We find environment has a slightly stronger effect in the 8 and
15 Mpc h−1 radius cylinders than the 3 Mpc h−1. This result suggests that the
environment external to a galaxy’s halo has the largest effect on galaxy formation.
The 8 Mpch−1 size correlates well with the underlying dark matter distribution
and we propose that the group and cluster environment is the most important in
influencing the luminosity function
3. We calculate the number density in 4 broad bins of luminosity as a Schechter function
is not a good fit to the low luminosity galaxies. We find environment influences the
highest and lowest 25 per cent of galaxies the most and in opposite ways. For
the lowest luminosity galaxies the number density is highest for the lowest density
environments. The highest luminosity galaxies are more numerous in the highest
density environments. For galaxies around the knee of the Schechter function ∼
−20.13 Mag we see no evolution with environment.
4. For the first time we also examine the effects of environment on the stellar mass
function of the GAMA survey. The trend of the Schechter fit parameters with
environment is the same as the luminosity function but less strong. Again, we see
that environment affects the 8 and 15 Mpc h−1 scales more than the 3 Mpc h−1.
Dividing into broad bins of stellar mass we see the same trends as with luminosity.
The most massive galaxies are found in the densest regions most commonly and the
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least massive in the lowest density. The effect of environment on the stellar mass
function is less significant than the luminosity function, the gradients of the linear
fits are lower.
5. Dividing the total sample into low (z ≤ 0.2) and high, (0.2 < z < 0.4) redshift
subsamples we find little variation in the dependence of galaxy number density with
environment. There is a slight hint that in the highest mass or luminosity bins the
environment effects are stronger at lower redshifts. This is made possible through
using the new flux limited method of environment calculation.
Using a flux limited sample and applying corrections for edges and survey selection we
are able to extend the GAMA environment estimates to higher redshifts than previously
made with a volume limited sample. Probing the effects of environment, we have been
able to continue the work of MR14 to higher redshifts. We see the trend of increasing M∗
with increasing density continues to higher redshifts although the effect in the flux limited
density defining population is not as strong. The effect of environment is greatest on the
luminosity function and less strong on the stellar mass. This is likely due to findings that
the gas and star formation properties which are closely linked to luminosity are much more
affected by environment than mass. In future work we will further explore the environment
in a flux limited sample, looking at correlations with other galaxy properties in particular
the effect on gas content. Using GAMA mock catalogues we also aim to perform a rigorous
exploration of the limitations of the corrections we have applied in this work to examine
if we can push them to higher redshifts and lower luminosities.
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Chapter 4
Galaxy And Mass Assembly
(GAMA): The average Hi mass of
GAMA groups and isolated
central galaxies
Hazel Martindale, Martin Meyer, Aaron S. G. Robotham, Jon Loveday
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4.1 Abstract
We combine data from the ALFALFA and GAMA surveys to calculate the average Hi
mass of GAMA groups and isolated central galaxies as a function of halo mass. Spectral
stacking is used to derive the average HI masses, enabling the inclusion of sources that
would otherwise be below sensitivity limits of the ALFALFA data, as well as allowing for
106
the inclusion of all the HI mass in the target GAMA group regions, rather than just that of
the known spectroscopically confirmed members. Halo mass estimates are made for both
GAMA groups and the isolated central galaxies using abundance matching techniques.
We find a stacked signal in all of our halo mass bins for both the groups and the isolated
central galaxies with an minimum signal to noise ratio of 3.62 and a maximum of 6.9. The
Hi to halo mass fraction decreases with increasing halo mass showing that high halo mass
groups contain less cold gas in proportion to their halo mass than lower halo mass groups.
We observe a flattening of the the relation at masses below ∼ 1010Mh−1. We combine
the Hi to halo mass relation with the halo mass function to calculate the mass density in
Hi and estimate a lower limit on ΩHI. Using only the abundance matched mass for groups
combined with the isolated centrals we find ΩHI,lim = 1.8± 0.4× 10−4 h−1 and combining
with the dynamical mass estimates for the groups we find ΩHI,lim = 1.9± 0.4× 10−4 h−1
.
4.2 Introduction
An important part of galaxy evolution is the effect of environment on galactic gas content.
It has been well established that galaxies that reside in groups and clusters are deficient
in neutral atomic hydrogen, Hi , compared to those found in lower density environments
(Haynes, Giovanelli & Chincarini, 1984; Solanes et al., 2001; Chung et al., 2009). The
individual galaxies are affected by the gravitational influence of the large halo as they
enter a group or cluster and this disrupts their gas content (Chung et al., 2009; Yoon &
Rosenberg, 2015; Jaffe´ et al., 2015). Without an understanding of the cold gas content
we are not able to produce a complete picture of galaxy formation. Cold gas provides
the fuel for star formation and is a crucial part of a galaxy’s make up. Growing evidence
indicates that young galaxies change from star forming to passive through the removal or
reduction in their cold gas component (Cortese et al., 2011, 2016; Catinella et al., 2013).
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How and why this occurs is still uncertain with environmental interaction proposed as a
main driver of the evolution.
Models of cold gas content have been developed in recent years (Lagos et al., 2011b;
Popping, Somerville & Trager, 2014; Lu et al., 2014; Crain et al., 2016) but matching the
cold gas content in addition to other observed properties is a big challenge. There is a large
variation in model predictions due to uncertainties in the underlying physics involved such
as the star formation law and the feedback mechanisms. More observations are required
to provide constraints on the models. This will enable distinctions to be made between
the different physical mechanisms, such as ram-pressure stripping, harassment and gas
strangulation, driving galaxy evolution.
Cold gas is often probed using the 21cm emission line of the atomic hydrogen atom
(Ewen & Purcell, 1951). This form of hydrogen makes up the majority of the cold gas
component of a galaxy (Saintonge et al., 2011). For late type galaxies in the local Universe
this is typically observed by direct detection of the emission line by large radio telescope
facilities. Blind sky surveys use these telescopes to enable the detection of large statistically
significant samples. Surveys such as Hi Parkes All-Sky Survey (HIPASS) (Meyer et al.,
2004; Zwaan et al., 2005) and Arecibo Legacy Fast ALFA (ALFALFA) survey (Giovanelli
et al., 2005) provide detections of thousands of galaxies in the local Universe. However,
compared to optically selected surveys many galaxies are not directly detected and are
below the noise level of the survey although there may also be some galaxies only observed
in Hi .
Coupling the Hi survey data to an optical survey covering the same region of the sky
we can use the technique of spectral stacking to exploit the non-detections. This was first
demonstrated for Hi detections by Zwaan (2000) and Chengalur, Braun & Wieringa (2001).
This technique provides a probe of the Hi properties of galaxies of either lower mass or
higher redshifts than would be usually available from a data set. Several studies have used
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Hi stacking to calculate the Hi cosmic density at redshifts higher than those available from
blind Hi surveys (Lah et al., 2007; Delhaize et al., 2013). Brown et al. (2015) use stacking
of data from the ALFAFA survey to examine the relationship between gas fraction and
star formation properties of galaxies. ALFALFA has also been used to explore the effect
of environment through stacking (Fabello et al., 2011, 2012) in combination with SDSS
data (Abazajian et al., 2009). They find evidence of ram-pressure stripping in high density
environments for lower stellar mass galaxies. Again, stacking allows better exploitation of
Hi data than analysis of the direct detection alone.
There are several drawbacks to using stacking techniques. As any detection is an
average of many individual galaxies the technique can only give average properties about
the whole population and does not give an indication of the scatter about a relation. The
other major problem is confusion, where several physical sources could be contributing to
the Hi signal. This contaminates the average and biases the stack. The confusion problem
is greatest at higher redshifts when the resolution is low as is often the case for single
dish studies. As long as the fraction of confused sources is low this problem is minimal.
As the GAMA groups are of a similar size to the ALFALFA beam size we can reduce
the confusion problem by looking at total groups. Future telescopes such as the Square
Kilometer Array and its pathfinders which have much higher resolution will also further
reduce the confusion factor.
In this work we combine ALFALFA data with optical data from the Galaxy And Mass
Assembly (GAMA) survey. We use the GAMA galaxy group catalogue to examine the Hi
content of groups and isolated central galaxies Robotham et al. (2011). As the GAMA
group galaxy members are often within an ALFALFA beam size of each other on the sky,
we choose to stack the total Hi content of the whole group halo to minimise confusion.
Stacking the Hi from the whole halo also allows us to include any Hi from group members
below the GAMA detection limit. We calculate the Hi to halo mass fraction in bins of
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halo mass and then calculate the Hi mass density as a function of halo mass.
In Section 4.3 we describe our method for extracting the spectra and performing the
stacking. We also discuss how groups are found in GAMA and how the halo mass is
estimated. We present the stacks in Section 4.4 and plot the Hi to halo mass fraction. In
the final part of Section 4.4 we calculate a lower limit on the cosmic Hi density, ΩHI . We
discuss our results in Section 4.5 and Section 4.6 contains our conclusions.
Throughout, we assume a Hubble constant of H0 = 100 hkms−1Mpc−1 and a ΛCDM
cosmology with ΩM = 0.25, ΩΛ = 0.75 in calculating distances, comoving volumes and
luminosities.
4.3 Method
4.3.1 ALFALFA survey
The Arecibo Legacy Fast ALFA (ALFALFA ) survey is a large blind Hi survey 1 (Giovanelli
et al., 2005). The complete survey covers an area of 7000 deg2 in the Northern hemisphere
and is expected to find approximately 3 × 104 direct Hi detections. ALFALFA observes
the 21cm line to a maximum redshift of z = 0.06 or a distance of ∼ 250 Mpc covering
regions both in and outside the Virgo cluster. The survey has a beam full width half
maximum (FWHM) of ∼ 3.5 arcmin and a centroid positional accuracy typically better
than 20 arcsec (Haynes et al., 2011). While this is a huge improvement on previous
surveys, in the densest groups this can lead to source confusion when several galaxies are
close together on the sky.
We use the ALFALFA processed data cubes. These 3D cubes cover 2.4◦ in R.A. and
Dec. and ∼ 5500 kms−1 in frequency (Haynes et al., 2011). From these cubes we extract
the spectra as described in Section 4.3.4. We use ALFALFA data along the equator as this
is the only region overlapping with the GAMA survey. We suffer slightly with increased
1egg.astro.cornell.edu/
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noise in this region compared to other regions of the survey as this is at the limit of the
Arecibo telescope field of view.
4.3.2 GAMA survey
The Galaxy And Mass Assembly survey (GAMA) is a spectroscopic redshift survey (Driver
et al., 2011; Liske et al., 2015)2. The GAMA survey covers 5 fields or which we use the
three equatorial fields each 12◦× 5◦. In this work we draw our sample from the limited
overlap between ALFALFA and GAMA which covers ∼ 102 deg2 at the equator out to
a redshift of z = 0.06. In this region there are only ∼ 300 direct detections in Hi in
the ALFALFA -GAMA overlap. This is compared to ∼ 23000 isolated galaxies and ∼ 600
groups found by the GAMA survey. This highlights the need for stacking to exploit further
the Hi data when the signal is below the noise level.
The GAMA survey is particularly well suited to defining groups. This is due to it
being very complete resulting in high quality group information. We use groups from
GroupFindingV08 DMU described in Robotham et al. (2011). The groups are identified
using a friends of friends algorithm. The parameters of the algorithm have been extensively
calibrated against semi-analytic mock catalogues of the GAMA survey. Once the galaxies
have been identified as belonging in the same group their properties can be used to estimate
the halo mass and radius. About 60 per cent of the GAMA galaxies are not identified as
belonging to groups and in this work we refer to these as isolated central galaxies.
4.3.3 Halo Masses
In the literature there are several methods used to estimate the halo mass of an observed
galaxy group. Here we describe two which we use in this work. The first applies only to
the groups while the second is used for both the groups and the isolated centrals.
2www.gama-survey.org
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In the first method we use the group friends of friends radius and velocity dispersion to
calculate a dynamical mass. The dynamical mass is proportional to the velocity dispersion
and radius such that M ∝ σ2R. We use the version of this function where the propor-
tionality constant is a function of the number of friends of friends group member and the
redshift of the group. The formula is given in equation 19 of Robotham et al. (2011). As
with the group finding algorithm the halo mass calculation has been extensively calibrated
against the GAMA mock catalogue. This method only provides halo masses for the groups
as we do not have velocity dispersions for the isolated centrals. Throughout this work we
refer to this mass as the dynamical mass.
The second method used to calculate halo masses is abundance matching (Behroozi,
Conroy & Wechsler, 2010). We use this method in both the groups and the isolated
centrals to give a halo mass for all objects used in our sample. Using a halo mass function
and knowing the volume of the sample it is possible to assign a halo mass to all the
galaxies and isolated centrals in the GAMA survey. We use the halo mass function of
Tinker et al. (2010) as discussed in Murray, Power & Robotham (2013). For the isolated
centrals we treat them as the bright central galaxy in their own group. The groups and
isolated centrals are then ranked according to the stellar mass of the bright central galaxy
from most to least massive. The galaxies are then assigned halo masses according to the
expected masses from the halo mass function. The highest halo masses go to the highest
ranked groups and so on down through the halo masses and rankings until all groups and
galaxies have been assigned a halo mass. This method does not allow for any scatter in
the central to halo mass relation and requires the number density of the sample to be
correctly scaled which will introduce error into our estimates.
Once we have a halo mass estimate for each group or isolated galaxy we can calculate
an associated R200 using
M200(z) = 4/3piR200(z)200ρcrit(z) (4.1)
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where ρcrit is the critical density of the universe, all of these properties depend on the
redshift, z. We now have estimates of the virial mass and radius for all the groups and
isolated centrals. As there are two halo mass estimators for the groups we also have two
radius estimates. We use both throughout this work for comparison. The isolated centrals
only have one mass and radius estimate.
4.3.4 Hi Stacking
Extracting Spectra
We extract spectra at the positions of each of the GAMA groups and isolated centrals
from the ALFALFA data cubes. Each extracted spectra is centred on the position and
redshift from the GAMA catalogue. For both the groups and the isolated centrals we sum
all the pixels within a radius equal to the R200 radius estimated from the groups halo
mass. We further discuss this selection of the group radii in Section 4.4.1.
Whether the region over which the spectra was extracted is smaller or larger than the
beam determines how we weight the resulting spectra. In a minority of cases the radius
of the group or isolated galaxy is much smaller than the ALFALFA beam size. In these
cases we follow the extraction method described in Fabello et al. (2011) and beam-weight
the spectrum and treating it as if it were a point source. Here the isolated spectrum is
given by:
Sν(mJy) =
∑
x
∑
y
Sν(x, y)∑
x
∑
y
B(x, y)
, (4.2)
where Sν(x, y) is the flux density of each pixel at position x,y and B(x, y) is the beam
response over the same pixels. The ALFALFA beam pattern is approximated as
B(x, y) = exp
[
−1
2
(
x
σx
)2
− 1
2
(
y
σy
)2]
, (4.3)
where σx = (2
√
(2 ln 2))−1 × 3.3 and σy = (2
√
(2 ln 2))−1 × 3.8 (Fabello et al., 2011).
For the groups with a radius larger than the beam size the group is not treated as a
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point source and the beam weighting is not applied. The extracted spectrum is given by:
Sν(mJy) =
∑
x
∑
y
Sν(x, y)× 1
C
(4.4)
where C is a factor accounting for the units of the flux density being Jy/beam. C is given
by (area of beam)/(area of pixel). The area of the beam is given by:
Abeam =
pibminbmax
4 ln(2)
(4.5)
where bmin = 3.3 arcmins and bmax = 3.8 arcmins.
RMS Calculation
The root mean squared (RMS) noise is calculated for each of the extracted spectra and
then used as a weighting factor in the stacking process. We fit a first order polynomial to
the spectrum, excluding the region where signal from the galaxy or group should be. We
then calculate the RMS of the spectrum with the new baseline again excluding the region
that should contain signal. We calculate the exclusion region using the group velocity
dispersion when it is available or by using a fixed cut of ± 300 km s−1 in the minority of
cases where it is not possible to calculate the velocity dispersion. The cut of 300 km s−1
maybe slightly conservative and could lead to a slight over estimation of the noise in these
galaxies. This value is only use for the noise estimation and not used in the extraction of
the spectrum where a velocity cut of ± 1000 km s−1.
Shifting to rest frame
Once we have extracted the flux spectra as described above we convert to mass spectra
following Delhaize et al. (2013). The mass spectrum per unit frequency is given as:
MHI,νobs
M MHz−1
= 4.98× 107
(
Sνobs
Jy
)(
DL
Mpc
)2
, (4.6)
where Sνobs is the observed flux density and DL is the luminosity distance to the group
or isolated galaxy at redshift z. Due to the D2L term in the Hi mass calculation MHI has
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units of M h−2 as in this work we are using H0 = 100h kms−1 Mpc−1.
Before co-adding the signals we shift to the rest frame. The frequency axis shift is
given by
νem = νobs(1 + z), (4.7)
where νobs is the observed value, νem is the rest frame value and z is the redshift of
the central galaxy. In order to conserve the total mass in this conversion we must also
renormalise the spectrum,
MHI,νem =
MHI,νobs
(1 + z)
. (4.8)
At this point we have the rest frame mass spectrum centred on the 21cm rest frequency
and can proceed with spectral stacking.
Spectral stacking
The rest frequency Hi mass spectra can now be added together. Each galaxy or group
spectra is re-gridded onto the same spectral axis allowing each channel to be co-added.
We use the weighted average formula to co-add the signals and give the average Hi mass
for a galaxy in the stack is given by,
〈MHI〉 =
n∑
i
wiMHI,νem,i
n∑
i
wi
, (4.9)
where MHI,νem,i is the i
th spectrum and n is the total number of spectra to be added.
The weights are wi = (σi ×Dl)−2 with σi being the RMS of ith spectrum and Dl is the
luminosity distance to the spectrum (Delhaize et al., 2013). Including the distance in the
weighting increases the signal to noise ratio but decreases the effective survey volume.
Hi mass errors
We estimate the error on the Hi mass using the jackknife method. We perform the stacking
as described above after removing a subset of the galaxy spectra for each realisation. We
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Figure 4.1: The curve of growth of Hi mass with spectra extracted with radius that are
multiples of R200 from isolated centrals abundance matching.
use 10 jackknife samples withholding 10 per cent of the galaxies from each stack in each
sample.
4.4 Results
4.4.1 Choice of radius for spectra extraction
When calculating the spectra there are several choices for the spatial radius over which
to perform the extraction. This is because the physical extent of each group or galaxy
has several definitions. The isolated centrals can either be treated as point sources with
no significant extent or we can derive a physical radius from the abundance matched halo
mass. As we are trying to capture all the Hi associated with a halo and not just the
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individual galaxies we choose to use the radius derived from the abundance matched halo
mass. Working backwards from the halo mass, a R200 radius is calculated for each of
the isolated centrals which we then use in extracting the spectrum. Figure 4.1 shows
a curve of growth of Hi mass in stacks with increasing radius over which the spectrum
extraction is performed. When the increased radius is no longer adding significant mass
we have captured the mass associated with the halo. The Hi mass will not completely
stop increasing due to hydrogen gas outside the halo. However, as a proportion of the
mass already captured this will be small proportion. The increase in Hi mass will not be
significant and the rate of increase will drop to almost no mass being added. In Figure 4.1
we have calculated the total average Hi mass of all isolated centrals using a single stack.
We extract spectra using different radii and then stack. The curve plateaus around 1.5R200
showing that including extra pixels beyond this is only adding noise to the stacks.
We also use the curve of growth to estimate the amount of confusion present in the
stack. In this work we classify confusion occurring when other groups or galaxies detected
by the GAMA survey which are not classified as a member of the group, according to
the group catalogue, are within the region over which the spectrum was extracted. This
is a rough estimate of confusion and assumes that the group catalogue is accurate at
identifying all the group members. This is not always going to be the case, however as
the GAMA survey is very complete Liske et al. (2015) we place large confidence in the
group catalogue. This type of confusion only occurs in the minority of our groups and is
most often with a single GAMA galaxy that is not classified as a group member. However
there are a few incidences where two groups can be confused together because they are
very close in R.A, Dec. and redshift space.
To calculate an estimate of confusion we assume that the level of confused sources can
be taken to be uniform across the survey area and that any increase in Hi mass beyond the
group halo can be calculated as the level of confusion. This is a very rough calculation as
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it does not take into account galaxy clustering. It is not realistic to assume that confusion
will be uniform across the region and a more rigorous approach would be required to fully
correct for the effects of confusion. However we do not intend to use this as a correction
but rather as an indicator of the scale of confusion and uncertainty present in our stacks.
For the isolated centrals we estimate the fraction of the Hi mass contributed by confused
sources to be ∼ 8 per cent. This is computed by calculating the increase in mass between
a radius of 1.5 and 3.0 R200 and attributing it to the mass contribution of confused sources
in the survey region. This is a very rough attempt to quantify the level of confusion in
our results and a more detailed study is required to fully understand the properties of
confusion in the groups.
As the radius over which the spectrum is extracted is increased we expect the confusion
factor to increase. With a bigger radius the chance of a source unrelated to the halo being
included is increased as groups physically separated on the sky will be within the cylinder
of observation. When we extract the spectrum we want the confusion to be a low as
possible, for this reason we choose 1.5 rather than 2.0R200.
There are several ways to define the radius of a galaxy group. The distance from the
brightest central galaxy to the outermost group member galaxy provides a radius based
purely on the observed properties. This does not account for the fact that the underlying
halo may be larger than the observed galaxy group members so we choose not to use this
radius. Like with isolated centrals an R200 radius can be derived from the associated halo
mass. As described in Section 4.3.3 we use two mass estimates, the dynamical mass and
the mass from abundance matching. We include the dynamical masses for comparison
but the abundance matching is preferred as this is more reliable and is consistent with
the isolated centrals method of halo mass calculation. In Figure 4.2 we show the curve of
growth for groups using the abundance matched masses. The curve begins to plateau at
R200 so we use this radius to extract the spectra unlike the isolated central where we use
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Figure 4.2: The curve of growth of Hi mass with spectra extracted using radius at multiples
of R200 from abundance matching.
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Figure 4.3: The stack produced when we include all of the groups. The vertical black line
is the rest frequency of the 21cm line, the two red vertical lines mark the regions over
which we summed to calculate the mass and the horizontal dashed lines show the RMS
noise levels. The average Hi mass of the groups is 4.37± 0.56× 109 Mh−2).
1.5R200. As with the isolated centrals we use the curve of growth to get an estimate of
the amount of confusion present in the stacks. Here we also find a confusion factor of ∼ 8
per cent. We choose to use R200 for both group abundance and dynamical mass estimates
as this is a good compromise radius to have captured all the Hi mass in the stack and
keep the amount of confusion with sources not part of the group according to the GAMA
group catalogue to a minimum.
4.4.2 Stacks
In the following section we present the stacks for first the groups and then the isolated
centrals. Firstly, we present a stack of the total sample for the groups and isolated centrals
and calculate an average Hi mass. Then, each sample is divided into bins of halo mass and
a stack is constructed for each bin. This gives an average Hi mass for each halo mass bin.
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We choose to keep the groups and isolated centrals separate when producing the stacks.
We have verified that our method successfully recovers the total Hi mass of the groups
using simulated sepectra from a semi-analytic model, this is show in Appendix 4.7. The
simulated stacks find that the Hi mass recovered from the stacks is with in 3 per cent of
the true value for the largest halo masses and nearer to 1 per cent for smaller halo masses.
Groups
Full sample stack
We first stack the complete sample of all 565 groups to obtain the average Hi mass of
GAMA groups within the ALFALFA overlap. The stacked spectrum is shown in Figure 4.3.
The average Hi mass of the GAMA groups is 4.37± 0.56× 109Mh−2 with a signal to
noise ratio of 9.65. We fit a Gaussian profile to the spectrum, shown in green in Figure 4.3.
We do not use this directly to calculate the Hi mass but we do use it as a guide. The mass
is calculated by summing the actual data values in the spectrum. The Gaussian fit is used
to determine the frequency limits of the sum. We sum over the region that is ±3σ from
the central value of the line where the central value and the σ values are from the fitted
Gaussian. In Figure 4.3 we show the boundaries of the fitted region as vertical dashed red
lines. We employ this method of mass calculation to all the stacks. We compare our values
to the knee of the mass function as a guide. The M∗HI value is the characteristic Hi mass of
galaxies, the mass corresponding to the peak of mass density in Hi of the universe today.
The average group mass we find is very slightly higher than the M∗HI = 3.55× 109M h−2
value from HIPASS Hi mass function (Zwaan et al., 2005) and is completely consistent
with the value M∗HI = 4.47 × 109M h−2 from the ALFALFA Hi mass function (Martin
et al., 2010). The average from the stacks and the characteristic mass are not expected to
be identical but we do expect them to be similar. For this, and all subsequent stack plots
we used the R200 radius derived from the abundance matched mass. We also stack, but
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do not show, the total sample using the dynamical mass and radius definitions. We find
an average Hi mass for these groups of 2.67± 0.59× 109 M h−2. This is a lower value
than for the abundance matching mass and either of the M∗HI values from the previous
surveys. The difference between the two Hi stacks is due to the different R200 values from
the two mass definitions leading to different spectra being extracted for each group.
Halo mass bin stacks
The sample is now divided into four bins of halo mass, with ∼ 141 galaxies in each bin.
This leaves the bins at the highest and lowest halo masses much wider than the central
bins but increases the stacked signal in all bins. In Figure 4.4 we show the stacks using
the abundance matched mass and radius. Again, the mass is calculated by summing the
spectra values between the vertical red lines. All four of our halo mass bins show very
clear signal with signal to noise ratio between 5 and 7. The average Hi mass of the stacks
increases with increasing halo mass from MHI = 2.19× 109 to 13.49× 109M h−2. We
also see that the width of the stack increases with increasing halo mass. This is because
high halo mass groups have larger velocity dispersions leading to broader spectral lines.
In Table 4.1 we show the average Hi mass in halo mass bins for both the abundance
matched and dynamical masses and radii. Due to having equal numbers of groups in each
bin the boundaries of the bins are different in the abundance matching and dynamical
stacks. The average Hi mass is similar for similar halo mass for both sets of groups.
This indicates that our choice of radius and mass definition only has a limited effect on
the average Hi mass produced. The largest difference is in the highest halo mass bin
where the dynamical mass definition of radius gives a significantly lower Hi mass than the
abundance matched version. This may indicate that in the very highest mass halos we see
a decrease in Hi . Given that the dynamical mass is a less reliable mass measure we do
not draw any definite conclusions for this bin. We also note that for the dynamical mass
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log10(Mhalo [Mh−1]) log10(MHI,Abundance [Mh−2])
10.5-11.6 9.34 ± 0.18
11.6-11.9 9.74 ± 0.08
11.9-12.3 10.02 ± 0.04
12.3-14.6 10.13 ± 0.07
log10(Mhalo [Mh−1]) log10(MHI,dynamical [Mh−2])
9.0-11.7 9.22 ± 0.26
11.7-12.4 10.08 ± 0.04
12.4-13.0 10.08 ± 0.04
13.0-14.6 9.81 ± 0.17
Table 4.1: The Hi mass from stacking groups divided in bins of halo mass. The top table
uses abundance matched mass and radii when stacking and the lower uses the dynamical
mass formula. In the left hand column we give the halo mass boundaries of the bins.
the lowest halo mass bin is very broad. The halo mass assigned to this bin has a large
uncertainty compared to that of the corresponding abundance matched bin.
Isolated centrals
Full sample stack
We stack the total isolated galaxy sample to calculate the average Hi mass. The resulting
stack is shown in Figure 4.5. We find an average Hi mass of 1.52± 0.14× 109 M h−2.
This mass is slightly lower than the M∗HI value of both HIPASS and ALFALFA and lower
than the average Hi mass of the total group stacks. This is not surprising as here we
included all isolated centrals regardless of mass and any lower mass galaxies will lower the
average.
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Figure 4.5: Stack for all the isolated centrals, where the lines are as described in Figure 4.3.
The average Hi mass of the groups is 1.52± 0.14× 109 Mh−2.
Halo mass bin stacks
As with the groups we divide the isolated galaxy sample into bins of halo mass using
the abundance matched halo mass. The galaxies are in 6 approximately equally sized bins
each containing ∼397 galaxies. As with the groups, the resulting bins are not equally
spaced in halo mass. We show the galaxy stacks for each halo mass bin in Figure 4.6.
All bins show some signal with some bins more pronounced than others. Apart from
the bin with halo mass 11.2-11.3 all have signal to noise ratio of between 4.5 and 5. In bin
11.2-11.3 the signal is less pronounced and the spectra is more noisy with a signal to noise
ratio of 3.26. The resulting mass from this stack should be treated with some caution.
Again as with the groups we find an increasing width of the spectra with increasing halo
mass. The change in width is more pronounced for the isolated centrals than for the groups.
This could be due to the larger range of halo mass probed by the galaxies compared to
the groups.
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log10(MHalo [Mh−1]) log10(MHI,Isolated [Mh−2])
10.0-11.1 8.49 ± 0.15
11.1-11.2 9.07 ± 0.12
11.2-11.3 9.23 ± 0.09
11.3-11.5 9.37 ± 0.08
11.5-11.7 9.53 ± 0.08
11.7-13.1 9.93 ± 0.06
Table 4.2: The Hi mass for isolated centrals in 6 halo mass bin from the stacks in Figure 4.6.
Left hand column gives the halo mass boundaries of the bins.
The average masses for each halo bin are summarised in Table 4.2 showing a steady
increase in Hi mass with halo mass. The values found for the isolated centrals are system-
atically lower for similar halo masses than with the groups. However, within errors they
are consistent with the group stack masses.
4.4.3 HI - Halo Mass relation
Taking the Hi mass from the stacks of halo mass bins we calculate the Hi-halo mass fraction
as a function of halo mass. This is shown in Figure 4.7. The green circles are the Hi masses
from the isolated centrals while the red and blue points are the group stacks. The red
triangles are from abundance matching and the blue squares use dynamical masses. We
assign each stack the mean halo mass of the galaxies or groups in that bin. The error
associated with the halo mass is the standard deviation in the bin. For the highest and
lowest mass bins in each set of bins the error on the halo mass is large due to the large
width of these bins. These points should be treated with the most caution as the average
Hi corresponds to a large range of halo masses and may not be representative of the real
galaxy distribution. We also note that the choice of mean halo mass instead of the central
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Figure 4.6: Stack for all isolated centrals in 6 bins of halo mass. There is a clear signal in
all except bin 11.2-11.3 which has a significantly lower SNR than the other bins. All lines
are the same as the previous figures.
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Figure 4.7: Hi - Halo mass fraction. Red points are from groups using abundance matched
masses and radii, green points using isolated centrals with abundance matched mass and
radii and blue points come from the dynamical mass definition. The dashed line is from
the L-Galaxies semi-analytic model and the dot-dashed line is from the GALFORM semi-
analytic model (Lagos et al., 2011a, 2014).
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mass of the bin has a large effect on both the placement in the x axis of Figure 4.7 and
the Hi-halo mass fraction. We choose the mean as for the highest and lowest mass bins
this is less affected by a few galaxies or groups with outlier masses. This is particularly
obvious for the lowest mass bin in the dynamical mass definition.
As stated in the previous section the Hi masses of the isolated centrals are systematic-
ally lower than the groups, particularly around 1011 M h−1. However, when we convert
these to Hi-halo mass fractions this difference is not as apparent and the groups and galaxy
fractions are consistent across all mass definitions. In Figure 4.7 we see a fairly flat rela-
tion of the Hi-halo mass fraction between 1011 and 1012M h−1. Below 1011M h−1 the
measurements are very uncertain. There is a large discrepancy between the values from
the isolated centrals and the dynamical mass group stack. We are unable to conclude if
the flat relation seen between 1011 and 1012M h−1 continues to lower masses or starts
to decline. The isolated centrals suggest a decline of the fraction where as the dynamical
mass indicates it is flat. At the high halo mass end above 1012M h−1 we observe a
decline in the Hi-halo mass function with increasing halo mass. This is in line with other
work that find a Hi deficiency in galaxies within large groups or clusters compared to field
galaxies (Solanes et al., 2001; Chung et al., 2009). The data show a steep and sudden
decrease in the Hi-halo mass fraction above 1012M h−1.
We compare our data to two semi-analytic models which both reproduce well the
observed Hi mass functions or ALFALFA and HIPASS. These are shown as lines in Fig-
ure 4.7. The brown dot dashed line is a model based on the GALFORM model (Lagos
et al., 2011a, 2014). The purple dashed line is from the L-Galaxies model described in
Chapter 2. There is a large discrepancy between the two models. They are most consistent
at a halo mass of ∼ 1011.5 M. At higher halo masses the observations show a slightly
steeper decline in the Hi fraction than the L-Galaxies model and a less steep decline than
GALFORM. A major difference between these two semi-analytic models is their treatment
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of ram pressure stripping. The L-Galaxies model does not allow any stripping below halo
mass of ∼ 1014M as this gives better match to the faction of passive galaxies. However
we show here that this causes the model to over estimate the Hi gas fraction at fixed halo
mass. By contrast, the version of the GALFORM model shown here applies gradual ram
pressure stripping of the hot gas of satellite galaxies avoiding the replenishment of the
Hi gas, see Lagos et al. (2014) for more details. Here we show that this form of gradual
gas stripping may be too strong, thus producing a too sharp decrease in the Hi to halo
mass fraction at halo masses above 1012M, and predicting too low abundances of Hi in
the larger mass halos. In general the data lies between the two models and is in broad
agreement with both. In order to distinguish which model better fits the data we would
require more observations to enable more bins of halo mass to better constrain the trend
of Hi-halo mass fraction with halo mass.
4.4.4 Calculating ΩHI
We have shown above that the there is a relationship between the Hi mass and halo mass
of a galaxy. Using the Hi to halo mass ratio, shown in Figure 4.7, combined with the halo
mass function we are able to calculate a lower limit on ΩHI. We use the Hi mass to scale
the halo mass function and estimate the Hi mass density. We use a halo mass function
generated with HMFcalc (Murray, Power & Robotham, 2013) with a Tinker functional
form (Tinker et al., 2010) and Planck cosmology (Planck Collaboration et al., 2014a).
To do this we multiply the average Hi mass from the halo mass stacks by the halo mass
function. This results in the Hi mass density as a function of halo mass. We show this
in Figure 4.8. As with Figure 4.7 we show the two group mass stacks, abundance and
dynamical as red and blue respectively. The isolated centrals are again shown in green.
For the most reliable measurements, between 1011 and 1013 M h−1 in halo mass, the
mass density from all three stack types are very similar. As with the Hi -halo mass function
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there is more variation in the most extreme bins and these should be treated with some
caution. We have again plotted the points at the mean halo mass of the groups or galaxies
in each bin. This effect is most significant for the the placement of the highest and lowest
halo mass bins. Between 1011 and 1012 M h−1 in halo mass the Hi mass density is flat
with a slight decrease at the 1011M h−1 end. The mass density does not show a sharp
peak in the Hi mass density as is often seen in mass density plots. The lowest mass bin
for the isolated centrals show a very sharp decline compared to the other 5 isolated galaxy
bins. It is not clear from this data if the downturn in the isolated centrals is significant
due to the uncertainty in this bin.
As in the previous section we compare our results to those from the GALFORM and
L-Galaxies semi-analytic models. There is again a large discrepancy between the two
models. The observations lie broadly between the two models but favours the values from
GALFORM. The two models have very different low halo mass slopes with L-Galaxies
showing a much steeper decline in the Hi mass density than GALFORM. We do not have
enough data at the high and low mass end to determine the slope from the Hi stacks.
More low mass data is required to examine this region.
By integrating the Hi mass density with respect to the halo mass we calculate a lower
limit on the total ρHI. From this we find correspondingly a limit on ΩHI using
ΩHI =
ρHI
ρcrit
=
8piGρHI
3H20
(4.10)
where G is the gravitational constant and H0 is the Hubble constant. ΩHI scales as
h−1 due to the units of MHI being Mh−2 as discussed in Section 4.3.4, where H0 =
100h kms−1 Mpc−1s. We use the trapezium rule to integrate the data points rather than
attempting to fit a spline curve to the data. We calculate two lower limits, one using the
combination of abundance with the isolated centrals and another with dynamical masses
and isolated centrals. In Figure 4.9 we show the cumulative ΩHI from integrating the Hi
mass density shown in Figure 4.8. This shows clearly that there is still significant Hi mass
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density below the lower halo mass limit of our sample that we are not capturing. On
Figure 4.9 we show the observed ΩHI value of ALFALFA as a dashed horizontal line. Both
the abundance matching and the dynamical mass values are still rising with decreasing
mass towards this value with no evidence of plateauing. As in the previous figures we
show the two semi-analytic models and again the data is between them but favouring the
GALFORM predictions. The GALFORM model also appears to not capture all the Hi .
This is not a problem with the model but reflects that we have only integrated down to
halo masses of 1010Mh−1 so as to treat the models similarly to the data.
The final lower limits from our two mass measures give similar and consistent values
of ΩHI. For abundance matching we find ΩHI = 1.80±×10−4 h−1 and for the dynamical
mass ΩHI = 1.90±0.37×10−4 h−1. These are both significantly lower than the ALFALFA
value derived from the Hi mass function of ΩHI = 3.0 × 10−4 h−1 (Martin et al., 2010).
This is to be expected as with this data we do not constrain the lowest halo mass regions.
This is particularly an issue at the lower halo masses as we are only just able to capture
the turnover in the Hi mass density. The data also poorly constrains the mass density
above 1013M h−1 where both models show some flattening which is not present in the
data. We calculate values of ΩHI for the models using the brown and purple lines in
Figure 4.8. We integrate from 1010 to ∼ 1014 M h−1 for both. The GALFORM value
is ΩHI = 2.6 × 10−4 h−1 and L-Galaxies ΩHI = 3.1 × 10−4 h−1. These values are much
closer to the ALFALFA value. This shows the importance of the lowest halo masses in
constraining the Hi mass density and consequently calculating ΩHI.
4.5 Discussion
The Hi to halo mass relation shown in Figure 4.7 shows that there is a relationship between
the Hi content and the halo mass of the galaxy. We find, not unsurprisingly, that the more
massive halos contain more total Hi mass. This is due to higher mass halos harbouring
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larger galaxies with bigger gas reservoirs. However, we do not find that the Hi to halo
mass fraction is constant across the whole halo mass range as we would expect if there was
simply a linear relationship between the halo and Hi mass of a galaxy. This shows that the
increase in halo mass is not the only factor deterring the total Hi mass found in the halo.
In Figure 4.7 we see that below halo masses of ∼ 1012M the fraction is more constant but
above this mass we see it is declining. This is indicating that above this mass the Hi mass
does not just increase in line with the halo mass but rather the groups become deficient
in Hi. Another mechanism is causing the removal of gas from the halos and stopping the
fraction in Figure 4.7 from being constant. This is in line with the many studies looking
at individual groups and cluster members (Solanes et al., 2001; Chung et al., 2009; Jaffe´
et al., 2015).
Several of these studies show that ram pressure is a probable cause of gas depletion
in higher halo mass galaxies. The transition mass between gas rich and gas poor group
members is found to be 1012 − 1013M (Mcgee et al., 2009; Hess & Wilcots, 2013). This
is in agreement with our Hi to halo mass fraction result in Figure 4.7. In our data we see
the gas fraction start to decline 1012Mh−1. The BUDHIES survey (Jaffe´ et al., 2013,
2014) makes a detailed study of the member galaxies of several galaxy clusters. They
find, through a phase space analysis, that ram pressure is a likely source of gas removal
for in-falling galaxies in higher mass halos (Jaffe´ et al., 2015). Yoon & Rosenberg (2015)
also studied individual group members in the ALFALFA survey cross-matched with SDSS.
They found fewer Hi detections towards the centre of higher mass clusters. This again
points to gas being deficient in higher mass halos. Our Hi to halo mass fraction is not
able to probe the distribution of Hi within a halo as is possible in targeted studies such
as BUDHIES. However, we have shown that it is possible to exploit low resolution studies
to investigate the effects of environment on gas content. Our results are in line with the
resolved studies that find that above 1012Mh−1 the gas fraction declines. Below this
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mass we see no variation of gas fraction with halo mass however, we are not able to probe
a large range of masses. While this result hints that the environmental effects are less
significant we are not able draw firm conclusions from our current data.
The Hi density of the local universe, ΩHI, can be calculated in several ways. Perhaps
the most common is from integrating the Hi mass function. If a Schechter function is fit
to the Hi mass function the integral can be done down to arbitrarily low Hi masses. The
values calculated in this way from ALFALFA, ΩHI = (3.0±0.2)×10−4 h−1 (Martin et al.,
2010) and HIPASS, ΩHI = (2.6±0.3)×10−4 h−1 (Zwaan et al., 2005) are consistent within
errors. Another blind survey AUDS which probes to deeper redshifts than ALFALFA and
HIPASS also gives a consistent average value of ΩHI = (2.63±0.10)×10−4 h−1 (Hoppmann
et al., 2015). Other studies have used stacking to calculate the value of ΩHI (Lah et al.,
2007; Delhaize et al., 2013; Rhee et al., 2013). Often stacking is used to probe to higher
redshifts. Delhaize et al. (2013) and Rhee et al. (2013) use HI mass to light ratios to
calculate ρHI from the luminosity density. Delhaize et al. (2013) use this technique at
two different redshifts one of which is similar to the ALFALFA redshift and more directly
comparable to this work. They find a value of ΩHI = (2.82
+0.30
−0.59)×10−4h−1 at a redshift of
z = 0.028. This value is consistent with all the values found using the Hi mass function.
As previously stated in our work we have only been able to calculate a lower limit on
the value of ΩHI. As shown in Figure 4.9 the GAMA-ALFALFA overlap does not contain
significantly large enough numbers of lower halo mass objects to calculate an estimate of
ΩHI. Although GAMA does contain some such objects there are not enough to form a
stack and instead have been incorporated into the lowest halo mass bin. Using stacking
and the halo mass function to calculate ΩHI has reduced the effect of confusion but not
been able to probe to low enough masses and be fully converged.
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4.6 Conclusions
We calculate the total Hi to halo mass relation for groups and isolated centrals from the
GAMA survey by applying spectral stacking to data from the ALFALFA survey. Using
total group or isolated galaxy Hi measurements we are able to calculate the average Hi
mass where otherwise confusion would be a large factor. Extracting spectra for all groups
and galaxies within the GAMA-ALFALFA overlap region, we produce Hi mass stacks in
bins of halo mass. By using the whole group Hi we have reduced the impact of confusion
to the 10 per cent level and so it is not a dominant source of error. The primary findings
of this work are:
1. The stacks show a strong signal in all halo mass bins. The profile of each stack
increases in width with increasing halo mass as is expected since higher halo mass
groups have higher velocity dispersion.
2. The Hi to halo mass fraction has been calculated as a function of halo mass. We see
that above Mhalo ∼ 1012 Mh−1 there is a decrease in the Hi to halo mass fraction.
This is a similar mass to that at which simulations have shown ram pressure stripping
to have a dominant effect on the gas content of the galaxies within a group. Below
Mhalo ∼ 1012 Mh−1 we find little variation in the Hi to halo mass fraction.
3. Combining the Hi to halo mass fraction with the halo mass function we have cal-
culated the Hi mass density as a function of halo mass. Integrating the density we
calculate a lower limit on ΩHI of 1.8 ± 0.4 × 10−4h−1 or 1.9 ± 0.4 × 10−4h−1. We
plot the cumulative ΩHI which clearly shows that our sample does not probe to low
enough halo masses to capture the total Hi content.
This method of ΩHI calculation could be used in future Hi surveys to provide an
alternative method to using the Hi mass function and mass to light ratios. Using total
group content coupled with halo mass provides an alternative approach to examine gas
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content in the universe especially where confusion is a large problem. We have shown
in Appendix 4.7 that this method is able to accurately reconstruct average mass of the
galaxies in the stack using simulated spectra from the L-Galaxies semi-analytic model.
This method also offers a probe of the halo scale physics. The cooling and heating of gas
at the halo scale is an important question to solve as it has an important effect on the
evolution of the constituent halo galaxies, either centrals or satellites.
4.7 Appendix: Stacking Groups from L-Galaxies
To ensure that the stacking method is successful in capturing the total Hi mass of the group
we use the galaxies from the HIConstraint L-Galaxies semi-analytic model introduced in
Chapter 2 to create artificial spectra and stacks. In the original dark matter immolation
on to which L-Galaxies is built a the halo finder SUBFIND (Springel et al., 2001) is run
to identify halos and sub halos each of which host a galaxy. For each sub halo in the
simulation we generate a spectra using the Hi mass that galaxy and the width from the
rotational velocity of the galaxy. The sub halos are grouped together into a larger halos
and these are what we call groups and cluster for the simulation.
We are able to calculate the relative velocity offset between a sub halo and its associated
central main halo. Using this relative velocity we generate spectra for each halo allowing
for the Hi found in sub halos to be offset from the central velocity. We then sum these sub
halo spectra together to give a single spectra for the whole halo. Once we have generated
the halo spectra we add Gaussian noise with the same RMS as the observations before
stacking the artificial spectra using the same method as described in Section 4.3.4. In this
test of the method we divide the simulated galaxies into the same 4 bins of halo mass as
were used for the abundance matched observations. Then we randomly select 5000 halos
for each of the 4 bins to stack, we do this only to speed up the computation. Shown in
Figure 4.10 are the 4 stacks from the simulation and the associated masses are shown in
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log10(Mhalo [Mh−1]) log10(Average Hi mass of bin[Mh−2] ) log10(Stacked Hi Mass [Mh−2]) Percentage difference
10.5-11.6 8.657 8.664 1.45 %
11.6-11.9 9.485 9.480 1.06 %
11.9-12.3 9.660 9.656 0.53 %
12.3-14.6 9.990 9.976 3.23%
Table 4.3: Table showing the Hi mass of the simulated stacks compared to the actual
average value. The second column shows the actual average mass of the galaxies in the
stack while the third column shows the value from the stacked spectra. The final column
gives the percentage difference between the two Hi masses.
Table 4.3. We find that at most the difference between the true value and that recovered
from the stacks is 3 per cent, shown in Table 4.3. This is a small percentage compared to
the noise in the stack, effects of confusion and redshift errors in the observations and not
a significant source of error in our stacking method.
The stacking of the total Hi content of the groups does not significantly miss Hi mass
from the satellite galaxies of the halo. This can be explained by considering the relative
velocities of the galaxies. For the satellite sub halos the redshift of the central galaxy will
not be exactly the optimum value to shift that sub halo to the rest frequency of the Hi line.
However, the outermost Hi rich galaxies have the lowest relative velocity dispersion with
respect to the central galaxy of any group members Jaffe´ et al. (2015, 2016) and so the
redshift difference will be small. In order for the Hi in the group to be added coherently
during the stacking processes the most important factor is the velocity offset and not the
physical separation of group galaxies. As the velocity offsets are small for the Hi rich
group members this is not a significant source of error in the stacks and this is what we
see here in the simulated stacks from the semi-analytic model.
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Figure 4.10: Stacks using spectra generated from the L-Galaxies semi-analytic model. The
figure shows the stacks for 4 bins of halo mass, the two red vertical lines mark the regions
over which we summed to calculate the mass and the green line is the Gaussian fit to the
simulated stacks.
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Chapter 5
Bivariate Hi stellar mass function
Hazel Martindale, Jon Loveday
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5.1 Abstract
We construct a bivariate Hi stellar mass function which can either be projected to obtain
the Hi and the stellar mass functions or be used to examine the cross relation between
the two properties. We use data from the ALFALFA 40 % catalogue with cross-matches
to SDSS optical counterparts. In order to construct an analytic fitting function to the
bivariate Hi stellar mass function we calculate the Hi mass function Schechter fit para-
meters in bins of stellar mass. We use these linear relationships to build a 2D Schechter
function where the αHI and M
∗
HI parameters of the Hi fit depend on stellar mass. We find
a strong dependence of M∗HI and αHI on stellar mass. The resulting bivariate Hi stellar
mass function shows that a large Hi mass corresponds to a large stellar mass.
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5.2 Introduction
The number density of galaxies of a given mass is a valuable tool for developing our
understanding of galaxy formation. The mass function is a fundamental property of the
galaxy population and can be fairly easily calculated from large galaxy surveys. In this
chapter we examine the co-relation between the Hi and stellar mass distributions.
As discussed in Chapter 1 and Chapter 3 the mass function of galaxies is commonly
modelled with the Schechter function (Schechter, 1976). For the mass function this takes
the form:
φ(M) =
dn
d log10(M)
= ln(10)φ∗
(
M
M∗
)α+1
e−
M
M∗ (5.1)
where φ(M) is the number density and φ∗, M∗ and α are constants to be fitted for. The
α parameter determines the faint end slope of the function and M∗ is the characteristic
mass, the knee of the function. In a flux limited sample the characteristic mass is the peak
of the mass density distribution. This functional form gives a prediction of the number of
galaxies of a given mass that are expected to be observed in the universe.
With the increase in size and sensitivity of Hi surveys the Hi mass function has become
increasingly well constrained (Zwaan et al., 2005; Martin et al., 2010). In order to examine
not only the gas but also the stellar component there needs to be an overlap with optical
observations. The ALFALFA survey (Giovanelli et al., 2005) has a large overlap with the
Sloan Digital Sky Survey (Abazajian et al., 2009) allowing optical counterparts to be found
for many of the Hi detections. Future large Hi surveys such as Australian SKA pathfinder
(ASKAP, Johnston et al. 2008), Karoo Array Telescope (MeerKAT, Booth et al. 2009)
and the Square Kilometre Array (SKA1) with increased sensitivity will improve again the
constraints from the Hi mass function.
In this chapter we combine the Hi and stellar mass functions of galaxies. As described
in Section 1.1.1 gas and stellar propeties are very closely related through star formation.
1www.skatelescope.org/project/
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There is expected to be a very strong correlation between the two. By calculating the
bivariate Hi and stellar mass function (HISMF) we can examine the number density of both
properties simultaneously. This allows us to further understand the complex relationship
between the gas and stellar components of galaxys.
In Section 5.3 we describe the methods used to calculate the bivariate mass function
and describe the data from the ALFALFA and SDSS surveys. The calculated HISMF are
shown in Section 5.4 and we discuss our conclusions in Section 5.5.
5.3 Method
5.3.1 Calculating the Mass Function
We have previously discussed the methods to calculate the mass function in Section 1.1.3
and Section 3.3.6. Here we will briefly describe the extensions required to make it bivariate.
As in Chapter 3 we make use of the modified Vmax method following Cole (2011) to take
account of local density variations extending the method to two dimensions.
We are now considering the Hi and stellar mass number densities simultaneously and
so the probability of a galaxies inclusion in the survey depends on both observables. As
discussed in Section 1.1.3 the probability of a galaxy being included in the survey depends
on the survey selection for each observable. For the Hi detection the selection is just the
Hi mass which is directly proportional to the Hi flux. For the stellar mass the selection
depends the r-band luminosity. Following the method Ball et al. (2006) and Loveday et al.
(2015) we can modify Equation 1.11, the probability of inclusion, to account for Hi mass
in addition to the r-band luminosity. This gives
pi =
∆(zi)
dV
dz φ(Lr,i,MHI,i)∫
∆(z)dVdz
∫ Lmaxr (z)
Lminr (z)
∫MmaxHI (z)
MminHI (z)
φ(Lr,MHI)dLrdMHIdz
(5.2)
where zi is the redshift of the i
th galaxy, ∆(zi) is overdensity at redshift zi, dV/dz is the
differential of the survey volume, Lr is the r-band luminosity and MHI is the Hi mass.
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The integrals on the denominator cover all possible values of luminosity or mass within
the survey limits and the redshift of the galaxy. Using the maximum likelihood analysis
of Cole (2011) extended to 2-dimensions we find the maximum volume of each galaxy is
given by
V dci =
∑
p
∆pVpS(L
min
r,p |Lr,i,MminHI,p|MHI,i) (5.3)
where the sum is over all redshift bins p, ∆p is the survey overdensity in redshift bin p,
Vp is the volume of the redshift bins and S is a binning function such that
S(Lminr,p |Lr,i,MminHI,p|MHI,i) =

1 if both Lr,i and MHI,i are within their respective detection limits
0 otherwise.
(5.4)
The survey density, ∆p, is calculated through iteration until a best fit value has been
found as part of the maximum likelihood calculation. This method is fully described in
Cole (2011) and Loveday et al. (2015). The luminosity function is given by
φ(MSM,MHI) =
∑
i
1
V dci (Lr,i,MHI,i)
dN
dMSMdMHI
(5.5)
where dN/dMSMdHI is the number density in bin MSM and MHI. The sum runs over all
galaxies in the mass bin. This is identical to the method described in Section 1.1.3 but
is now a function of two observables. We can continue to extend to further observables if
more selection effects need to be introduced. Here we have used the form of Equation 5.5
only considering overdensity variations. Cole (2011) also present a version which includes
redshift evolution as well as density variation. In this work we neglect this as the maximum
redshift of ALFALFA is z=0.06 and we do not expect any significant redshift evolution.
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5.3.2 Surveys
Aricebo Legacy Fast ALFA (ALFALFA) Survey
The Aricebo Legacy Fast ALFA (ALFALFA) survey is a large blind HI line survey (Giovan-
elli et al., 2005). This work uses the ALFALFA 40% data release which cover an area of
approximately 2800 deg2 (Haynes et al., 2011). ALFALFA is particularly well adapted
to detect low HI mass systems and can detect objects with MHI ∼ 3 × 107M out to a
distance of ∼250Mpc. The maximum redshift of the objects in this sample is z=0.05. This
cut is partly due to the strong radio frequency interference (RFI) beyond this redshift.
During data reduction each of the ALFALFA sources is given a quality code. In this work
we only use objects with code 1 as these have a signal to noise ratio of > 6.5 and no RFI
making them the most reliable detections.
The completeness of the ALFALFA survey is not purely flux dependent but depends
on both the integrated HI flux and the line width of the observation. When constructing
the bivariate Hi stellar mass function [HISMF] we must take both of these limits into
account in order to calculate the V max,dc correctly. We use the 90% completeness limits
given by Haynes et al. (2011) as:
log10(SHI) =

0.5 log10(W50)− 1.11, if log10(W50) < 2.5
log10(W50)− 2.39, if log10(W50) ≥ 2.5,
(5.6)
where W50 is the half maximum line width of the spectral line of the galaxy and SHI is the
integrated flux of the HI observation. The HI mass of the galaxy is directly proportional
to the flux and the distance to the source such that,
MHI = 2.365× 105D2l SHI (5.7)
where Dl is the luminosity distance to the galaxy (Haynes et al., 2011).
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Optical Counterparts
The ALFALFA survey has a large overlap in area with the SDSS survey, (Abazajian et al.,
2009), which is a large optical survey. The ALFALFA team have crossmatched their Hi
detected sources with SDSS and found optical counterparts. Not every Hi source has an
identified optical counterpart and we only include in our analysis those with a counterpart
and good SDSS photometry, assigned code I by ALFALFA. The precise optical counterpart
is often uncertain due to the beam size of ALFALFA . The Hi source is assigned to the
most likely counterpart in the event that several galaxies are considered plausible. For
example if an elliptical and a spiral galaxy are both potential counterparts the Hi would
be assigned to the spiral. This is because elliptical galaxies are often Hi deficient. We
have chosen in this work not to re-crossmatch but use the matches provided by ALFALFA
in the 40% data release.
The matching process enables the stellar mass of each ALFALFA galaxy to be ob-
tained. Once a Hi source has been assigned an SDSS counterpart we can use the SDSS
MPA/JHU value-added catalogue to assign a stellar mass. This catalogue contains mass
estimates made using a method based on that of Kauffmann et al. (2003). The broad-
band photometry was used to calculate the stellar masses by fitting star formation history
models. A large library of star formation histories was used for the fitting. These include
a large range of properties such as starburst strength and metallically. The best fit model
for each galaxy gives the corresponding mass to light ratio for the galaxy and thus a stellar
mass estimate can be calculated. Combining the SDSS and ALFALFA data we obtain a
sample with both Hi and stellar mass measurements for all objects. Our final sample
contains 5062 galaxies once all completeness limits have been applied. In this work we use
the stellar masses provided by the MPA/JHU value-added catalogue directly.
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Figure 5.1: The Hi mass function recovered from collapsing the multivariate distribution
shown as the blue points. In green we show the best fit Schechter function to our data.
For comparison we show the best fit Schechter function from Martin et al. (2010) from
the ALFALFA 40% sample.
5.4 Results
5.4.1 Projected Hi and stellar mass function
The bivariate HISMF for our sample was calculated using the method described in section
Section 5.3.1. In calculating the HISMF we need to take account of all the selection
criteria for both the Hi and stellar mass. As described in Section 5.3.2 the Hi mass
detection threshold depends on both the flux and the line width of the observations.
The stellar mass also has a selection limit from the r-band luminosity. The SDSS is a
magnitude selected sample with a r-band apparent completeness limit of 17.7 which must
be included in the calculation. To correctly account for all these selections our mass
function is actually 3-dimensional with a dimension each for the Hi flux, Hi line width and
r-band luminosity. The 3-dimensional distribution can be collapsed along each of these to
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produce distributions for each variable. The distribution is collapsed by summing along
each of the axes not desired in the final distribution function.
We first examine the 1-dimensional Hi mass function, obtained by collapsing the mul-
tivariate distribution down all other axes. This is shown in Figure 5.1 as the blue points.
We fit a Schechter function to our mass function using a least squares algorithm, this
is the green line in Figure 5.1. We find a faint end slope of α = −1.38 ± 0.01 and an
log10(M
∗) = 9.97 ± 0.01M. We compare the Hi mass function from the multivariate
distribution to that previously calculated from the ALFALFA (Martin et al., 2010, here-
after M10) survey, shown in red in Figure 5.1. At the high mass end we find our mass
function is in very close agreement with that of ALFALFA and at low masses we see a
slight deviation. The value of α for our Hi mass function is marginally higher than that of
M10 value of -1.33 while our value of M∗ is constant with the M10 value of log10(M∗) of
9.96± 0.02M. The slight deviation in faint end slope is likely due to a couple of factors.
Firstly we are not using exactly the same sample as M10 since we have introduced the
requirement for an optical counterpart and a stellar mass. The other more important
factor is the correction for large scale structure. The effect of density fluctuations on the
mass function is greatest at the low mass end and so any differences in correction will pre-
dominately effect this mass range. The Hi mass function obtained from the multivariate
distribution is consistent with the results from M10.
By collapsing the other axes we produce a stellar mass function shown in Figure 5.2.
The data is shown in blue with a Schechter function fit show in green. We compare to the
GAMA stellar mass function of Baldry et al. (2012). We find less close agreement than
above for the HIMF though the shape is broadly similar. There are several differences
between our sample and the GAMA sample which we propose contributes to the differ-
ences. Our sample is primarily selected on its Hi properties and a galaxy must have a Hi
detection to be included. The optical r-band magnitude and stellar mass are secondary se-
148
6 7 8 9 10 11 12
log10(Mstellar [M¯])
−5.0
−4.5
−4.0
−3.5
−3.0
−2.5
−2.0
−1.5
−1.0
−0.5
lo
g
1
0
(φ
[M
p
c−
3
d
ex
−1
])
5062Galaxies
α = −1.32± 0.01, φ∗ = 0.0009± 0.0,M∗ = 10.94± 0.02
Bivariate
Baldry 12
Figure 5.2: The SMF from the multivariate distribution is shown as blue data points. As
in Figure 5.1 we show the best fit Schechter function in green. In red we show the stellar
mass function from Baldry et al. (2012) using the GAMA survey data.
lections for our sample. The discrepancy between our results and GAMA is largest at the
highest masses whereas at the low mass end the two studies are consistent. Our sample is
biased to include Hi rich sources. This means we will exclude high stellar mass ellipticals
which are know to be Hi deficient. These will not be included in our sample and so we
see a deficiency at the high masses. The total GAMA sample is not biased against these
object and explains the discrepancy between the two.
5.4.2 The bivariate Hi stellar mass function
If we only project down the linewidth and magnitude dimensions we are left with the
bivariate Hi stellar mass function. We show this in Figure 5.3 with light colours showing
lowest φ values and dark colours the highest. We see a linearly increasing relationship
between between Hi and stellar content. The relationship shown in Figure 5.3 is a tight
relationship with little scatter around the main relation. This tells us that a galaxy’s stellar
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Figure 5.3: The bivariate Hi stellar mass function. Showing the number density in Hi and
stellar mass bins. The dark colours show the highest values of the number density, φ, and
light colours the lowest.
mass is a good indicator of it’s Hi mass. The bivariate distribution gives a detailed mapping
of the relationship between the stellar and Hi mass. It has been long established that the
two properties are related (Haynes, Giovanelli & Chincarini, 1984; Solanes, Giovanelli &
Haynes, 1996; Catinella et al., 2010; Cortese et al., 2011). Parameterising the relationship
as done here provides a powerful constraint for models of galaxy formation, such as those
in Chapter 2, as it requires that the galaxies have both the correct Hi and stellar content
simultaneously.
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Figure 5.4: The HIMF for galaxies divided into 5 bins of stellar mass. The HIMF in each
bin is calculated separately and then fitted by a Schechter function. The data is shown
as blue points and the fits in green. In each panel we also plot in red the HIMF from the
total sample for reference.
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Figure 5.5: Relationship between the Schechter parameters for the HI mass function in
the 5 bins of stellar mass. The top panel shows the relation between stellar mass and αHI .
The lower panel shows the relation with M∗HI . We perform a linear fit and plot the result
in green with the corresponding best fit parameters shown in each panel.
5.4.3 Hi mass dependence on stellar mass
In order to quantify the relation between HI and stellar mass shown in Figure 5.3 we
have divided the sample into bins of stellar mass. Then the multivariate distribution is
recalculated and the Hi mass function is projected out. We fit each Hi mass function
with a Schechter function in each bin independently. The Schechter parameters α and
M∗ tell us how the HIMF depends on the stellar mass of the galaxies. We plot the HIMF
for 5 bins of stellar mass and show in Figure 5.4 Each of the stellar mass bins probes a
different part of the HIMF as Hi and stellar mass content are correlated. Summing all of
the 5 bins together they reproduce the HIMF for the total sample which is shown in red
in Figure 5.4. The fitted Schechter functions show an increase in both αHI and M
∗
HI with
stellar mass. We plot these in Figure 5.5. In the top panel is plotted the αHI parameter
and in the lower log(M∗HI). Both parameters show a linear increase with log stellar mass
and we fit them accordingly. The best fit parameters are given in Figure 5.5.
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5.4.4 Fitting the bivariate function
We use our fitted relationships between MSM and αHI and M
∗
HI to construct a 2D function
to fit the bivariate Hi stellar mass function. In other work functions have been constructed
to fit other bivariate distributions of galaxy properties. One example is the Choloniewski
function (Choloniewski, 1985) which was used to fit the relation between galaxy luminosity
and surface brightness. We use a 2D Schechter function as our base function because
when we project either the 1D Hi or the stellar mass function we get a good fit to the
1D Schechter function. We saw in Section 5.4.3 that the Schechter parameters for the Hi
mass function evolve with stellar mass and so we must introduce a dependence of the Hi
parameter on stellar mass. For this we use the power law relations derived in the previous
section so that αHI and M
∗
HI are linear functions of stellar mass. The resulting function
takes the form:
φ (MSM,MHI) = φ
∗
(
MSM
M∗SM
)αSM+1
e
(
−MSM
M∗
SM
)(
MSM
M∗HI
)αHI+1
e
(
−MSM
M∗
HI
)
(5.8)
where αSM and M
∗
SM are the normal Schechter parameters and M
∗
HI and αHI are given
by
M∗HI = a log10 (MSM) + b,
αHI = c log10 (MSM) + d
(5.9)
where a, b, c and d are free parameters to be fitted for. The resulting function now has
7 free parameters to be fitted for. For the relations in Figure 5.5 we find best fit values
of a = 0.29± 0.05, b = 6.75± 0.42, c = 0.23± 0.05 and d = −2.72± 0.42 although when
fitting the 2D distribution we leave these free .
We now fit this function to the bivariate Hi stellar mass function using a least squares
algorithm. When fitting we exclude any bins with fewer than 15 counts as they are not
reliable measures of φ. We again show the bivariate relation in Figure 5.6 with the fitted
φ(MSM,MHI) shown as black contours. Our resulting best fit has a reduced χ
2 value of
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Figure 5.6: HISMF showing only the bins with more than 15 counts, light colours showing
lowest φ values and dark the highest. The best fit 2D Schechter function is shown in black
contours with a reduced χ2 value of 1.83
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φ∗ logM∗sm αsm a b c d
(2.95± 2.54)× 10−3 9.97± 0.50 −1.03± 0.24 0.45± 0.31 5.23± 1.98 0.28± 0.43 −3.07± 1.93
Table 5.1: 2D Schechter function fitted parameters.
1.83. The bivariate HISMF is well fit by our 2D Schechter function.
The value of the 7 fit parameters are given in Table 5.1. The fit parameters for
a,b,c,d we find for the 2-dimensional fit vary from those found above for Equation 5.9. In
Table 5.1 we find a stronger relationship between M∗HI and stellar mass than above and a
weaker relation with αHI . This shows that although we have a good reduced χ
2 value the
parameters are degenerate with each other and this solution may not be unique.
5.4.5 Comparison to other work
Lemonias et al. (2013) performed a similar analysis with the Galex Arecibo SDSS survey
(GASS) data (Catinella et al., 2013). Their analysis was focused on the bivariate HISMF
through binning in stellar mass bins and fitting various variations of a Schechter function
to the data. Lemonias et al. (2013) used a sample of 480 galaxies with stellar masses in
the range log10 (Msm/M) = 10− 11.5. We find a strong correlation of the HI Schechter
parameters, M∗ and α, with stellar mass where as Lemonias et al. (2013) find no significant
evolution in either parameter. The GASS survey detects Hi gas down to lower masses for
a given stellar mass than ALFALFA . This makes the sample less biased in the mass range
they select for, but they are only able to cover the largest stellar mass galaxies. In our
sample, which is Hi selected, we expect to find a bias to higher Hi mass objects. This is
because these objects will be more strongly detected and objects with low Hi mass will
be missed even if they have a large stellar mass. This would have the effect of making the
bivariate Hi stellar mass function seem a tighter relationship and reduce the scatter. If
the bias is large it would influence our results and could make the relationships shown in
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Figure 5.5 stronger than in a stellar mass function. This likely accounts for the discrepancy
between this work and Lemonias et al. (2013). Further analysis is required to examine the
detail of the effect of survey selection on our results.
5.5 Conclusions
Using the ALFALFA Hi galaxy survey 40% data release we have calculated the multivariate
Hi stellar mass function. We use the crossmatches to the SDSS survey provided by the
ALFALFA team to give us stellar mass estimates for 5062 ALFALFA detections. We have
constructed a new fitting function for the bivariate Hi stellar mass function that enables
us to parameterise the 2-dimensional relationship for the first time. We conclude the
following:
1. Collapsing the multivariate distribution we obtain the 1-dimensional mass functions
for the Hi and stellar masses. We find excellent agreement with the Hi mass function
from the ALFALFA 40% sample, (Martin et al., 2010). This small deviation at the
lowest masses is due to different methods of correcting for large scale structure. The
ALFALFA survey has significant large scale structure as it includes regions both in
the virgo cluster.
2. The projected stellar mass function has significant deviation when compared to that
from the full GAMA survey result, (Baldry et al., 2012). The deviation is most
prominent at the highest stellar masses. This is due to our sample being Hi selected
and therefore biased against high stellar mass ellipticals as these are Hi deficient.
3. Calculating the Hi mass function in bins of stellar mass allowed us to examine the
dependence of the Hi Schechter parameters on stellar mass. We find a linear increase
in both αHI and log(M
∗
HI) with increasing log stellar mass. We fit linear functions
to these parameters to quantify the relationship between the HIMF and log stellar
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mass.
4. Using our linear relationships between log stellar mass and the Hi Schechter paramet-
ers we develop a new 2-dimensional Schechter function to fit the bivariate distribu-
tion. This 2-dimensional function is made of two 1-dimensional Schechter functions
multiplied together, one each for the Hi and stellar mass components. Our new
2-dimensional Schechter function is a good fit to the bivariate distribution with a
reduced χ2 of 1.83.
Using the bivariate Hi stellar mass function we examine the distribution of the Hi and
stellar mass of galaxies fitting a new functional form. Simultaneously fitting the Hi and
stellar mass of galaxies requires that the gas and stars are in the correct galaxies not just
that the total numbers are correct. This distribution places a much stronger constraint on
the models than the Hi or stellar mass function independently. Using the bivariate Hi and
stellar mass function as a constraint in the MCMC of the L-Galaxies semi-analytic model
described in Chapter 2 would enable us to ensure galaxies have both the correct Hi and
stellar mass simultaneously using only one observational constraint. Another application
of the bivariate Hi stellar mass function is to look at the impacts of environment. As we
have developed a new fitting function that allows us to parameterise the distribution we
can use a similar approach as in Chapter 3 to quantify the effect of density on the bivariate
relationship. Understanding changes in the realtionship between the stellar and Hi masses
with environment would provide information to help better understand the mechanism of
gas removal and the quenching of star formation discussed in Chapter 4.
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Chapter 6
Summary and future work
6.1 Summary
This thesis has focused on aspects of the HI content and environment of galaxies. We
have used several methods to target different aspects of this important part of galaxy
formation. While initially these seem like separate studies, they have several aspects in
common and can be used to inform each other as all aspects of galaxy formation are ul-
timately linked. This is most clearly shown in the relationship between the development
of the semi-analytic models and the observations made of the real universe. In this thesis
we have both developed a model of the HI gas in chapter 2 and applied this model to
enhance our observations of stacked HI content of groups in chapter 4. There is an im-
portant interplay between using observations to improve the models such as done with
using additional data sets in the MCMC fitting and using the models to extend and in-
form the observations. The work undertaken in Chapter 2 has shown that introducing
new observations can identify problems with our current modelling. While the MCMC
was able to simultaneously match the stellar mass function, Hi mass function and the red
fraction of galaxies we also uncovered problems with the star formation in the models in
both the Kennicutt-Schmidt law and the star formation rate density. We propose that
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many of these problems can be alleviated by changing the star formation recipe used in
L-Galaxies to form stars out of the H2 component only. This problem with L-Galaxies
was uncovered by confronting the the model with extra observations. As more observa-
tions are introduced, such as those found in Chapter 4 and Chapter 5, the model recipes
will likely require further refinement. Our work has also highlighted the importance of
gas feedback and reincorporation in semi-analytic models as, unlike Lu et al. (2014), we
do not find it impossible to match the stellar mass function and the Hi mass function
simultaneously. Improving the star formation recipes in the L-Galaxies model will greatly
help in the modelling of the star formation properties.
The environment is another important part of galaxy formation and evolution. We
look at several aspects of environment in this thesis. In Chapter 3 we used the counts
in cylinder method of calculating environment. We developed a calculation method that
could apply this environment estimator to all galaxies in a flux limited survey in order to
include the most galaxies out to the highest redshifts in any study. For statistical measures
such as the luminosity and stellar mass functions maximising the sample size improves the
statistical significance of the resulting function. In this study we see only a limited effect
of environment on the 3, 8 and 15 Mpc h−1 scales we examine. Our results show that the
8 and 15 Mpc h−1 scales are more affected by environment than the smaller 3 Mpc h−1
cylinder. In this study we can not conclude that this is a true influence of environment as
the statistical significance of the effect is low. We also find that the luminosity function
is more affected by environment than the stellar mass function. This is in line with other
work which find that the effect of environment is strong on the star formation properties of
galaxies and star formation is more closely liked to the galaxy luminosity than the stellar
mass (Gomez et al., 2003; Tempel et al., 2011; Brough et al., 2013). With the sample
that we have used here we do not have a sufficient number of low luminosity galaxies at
high redshifts to probe smaller scales across all redshifts of the survey. However, in future
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more sensitive surveys our method of calculating environment will allow all galaxies in the
survey to be included in measurable and the redshift range over which the method can be
applied would of course depend on the specifics of the survey.
The other metric that we used to estimate the effect of environment is grouping the
galaxies into gravitationally bound halos. This method, in contrast to the environment
measures used in Chapter 4, groups galaxies together into physical groups and clusters and
then group properties such as halo mass and velocity dispersion for the halos are calculated.
We exploit this environment metric in Chapter 4 when we stack HI signal based on the
total group signal. Using this method we are able to examine the relationship between the
amount of HI observed and the group halo mass. In Chapter 4 we find that above a halo
mass of ∼ 1012Mh−1 the Hi to halo mass fraction is declining. The highest halo mass
groups have a smaller fraction of Hi compared to low halo mass groups. This is consistent
with other work (Chung et al., 2009; Jaffe´ et al., 2015) in which evidence of ram pressure
stripping in high halo mass groups and clusters has caused them to be Hi deficient. We
are also able to estimate a value of ΩHI of 3.1× 10−4 h−1 by projecting the observations
to lower halo masses by using the ΩHI value from the HIConstraint model in Chapter 2.
By stacking the total group Hi we have reduced the effect of confusion and enabled us to
look at the impact of environment in relatively low resolution Hi observations.
In the final chapter of this thesis we calculate the bivariate Hi stellar mass function
and develop a 2-dimensional fitting function to fit the distribution. The bivariate Hi
stellar mass function shows us that there is a tight relationship between the Hi and stellar
content of the galaxies. Those galaxies with high stellar masses also have high Hi mass.
This distribution can be applied to many situation and could provide a powerful constraint
in the MCMC fitting of semi-analytic models.
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6.2 Future Work
Many aspects of the work presented in this thesis represent results and methods that
can be used in further work in the future. As has been previously discussed several of
the results in the separate chapters of this thesis could be used together to further our
understanding of the role of the environment and gas in the evolution of galaxies.
The modelling of galaxy formation will need to continually evolve in order to reproduce
new observations as they are made. One such example is the bivariate Hi mass function
from Chapter 5. This would require that the relationship between HI and stellar mass
is preserved jointly and not just independently. It would also ensure that the HI gas is
in the right stellar mass galaxies: a check not performed with the current observations
used in the models. The L-Galaxies semi-analytic model will soon be extended to fully
incorporate the formation of stars out of the H2 component of the cold gas. In this work
we have only incorporated one gas division model. However, other gas division models
are available (Krumholz, McKee & Tumlinson, 2009) and studies have been conducted to
look at the effects of different models on the outputs of semi-analytic models(Lagos et al.,
2011a; Fu et al., 2012). L-Galaxies and the MCMC framework provides a mechanism to
further explore this. The same is true of the star formation law, feedback and stripping
mechanisms with the MCMC fitting providing a mechanism to efficiently test different
recipes. Another aspect of future work is to examine the detailed Hi content of the model
galaxies by looking at a wider range of observations of the galaxy population than we do in
Chapter 2 e.g. clustering and gas fraction. This would broaden the range of information
we have and enable us to examine the detailed distribution of gas in the models ensuring
that Hi is found not only in the right quantities but also in the right distributions. We
showed in Chapter 4 that the models can also be used to inform observational results. The
semi-analytic models will play an important role in understanding observations as larger
Hi sample become available.
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There are still many details of the effect of environment on galaxy evolution which
are not understood at present and this work only touches on a few of these. The method
used in Chapter 3 to calculate environment estimates for all the galaxies in a flux limited
survey can be applied to other samples as well as being used to examine other aspects of
environment. In a similar way to how we have used redshift to divide into sub-samples,
we could use colour or morphology to examine how these are effected by environment
in a flux limited sample. Both of these have been found to have strong dependence on
environment as they are closely related to star formation and gas content (Croton et al.,
2005; Tempel et al., 2011; McNaught-Roberts et al., 2014). By coupling the optical data
with radio Hi data it would be possible to use this analysis to look at the Hi mass function
and environment. A study similar to this was performed by Jones et al. (2016) with
ALFALFA and SDSS data. Currently the GAMA and ALFALFA overlap is insufficient
to allow this analysis with the GAMA sample. Using the environment measures in the
SDSS sample it would also be possible to look at the effect of environment in the bivariate
Hi mass function described in Chapter 5. This would provide interesting information
about the how the co-evolution of gas and stars depends on environment and could help
furthering our understanding of the quenching of star formation and the Hi deficiency
observed in large groups and clusters.
We have also looked at the effect of environment on the total Hi content of groups.
The stacking technique was used to reduce the problem of confusion in the dense envir-
onment of groups. The method can be applied to other current and future Hi surveys to
enable matching to optical catalogues to look at environment even when confusion would
otherwise be a large problem. However, defining total Hi within a halo does mean that
detail of the gas distribution within a halo is lost. This can only be overcome with targeted
observations. With detection of more galaxies with lower halo mass this work could be
extended to probe the turn over in the Hi halo mass function. This is not possible with
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the current GAMA-ALFALFA overlap as the total overlapping area is small and it is at
the edge of ALFALFA survey area making it noisy. This work could however be repeated
using the ALFALFA overlap with the SDSS survey which also has grouped galaxies. This
would provide a much larger sample as the overlap area is very much larger but the survey
is not as complete as GAMA. This technique will be very useful in future deep Hi studies
where confusion is likely to be a problem. Coupling this work with the stellar properties
of groups would also give insights into the quenching and Hi deficiency processes which
remain a big unknown in galaxy formation.
In future work combining the model and observations together will allow further un-
derstanding of the physical processes driving the evolution of galaxies. Using different
metrics to measure environment will allow us to look at the different scales that play the
most important role. In this thesis we see that the scale of the host halo of a galaxy is the
most important both for the luminosity and the Hi gas content.
6.3 Conclusion
An understanding of the gas component of galaxies is very important for understanding
their formation and evolution. In this thesis we have shown that it is still a challenge to
simultaneously model the observed distribution of Hi gas and the stellar mass and red frac-
tion in semi-analytic models. The star formation recipes used in the models coupled with
the feedback mechanisms are critical to producing the correct gas and stellar components.
Work is still required to better reproduce these different components simultaneously. We
have also shown that the environment has an effect on the number density of galaxies
found with different luminosity or mass. The more luminous or massive galaxies are found
more commonly in the most dense environments while the least luminous or massive are
found in the least dense. We also show that environment plays a role on the gas content.
The size of the halo in which the Hi mass is calculated affects the amount of Hi found.
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The fraction of the halo mass in Hi decreases with increasing halo mass. While this study
looked at the total mass in the halo rather than the individual group members this is con-
sistent with other studies which find that cold gas is deficient in the constituent galaxies
of the highest mass groups and clusters. Work to understand the gas content of galaxies
and the role of environment is on going in both modelling and observations. Future large
radio astronomy facilities such as the square kilometre array (SKA1) will play a big role
in furthering our understanding of gas and environment in galaxy formation. The meth-
ods used in this thesis can be taken forward to these large surveys to help improve our
understanding.
1https://www.skatelescope.org/project/
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